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Abstract

Cosmic rays are charged particles, primarily protons and atomic nuclei, that strike the
Earth from all directions with very high energies. When they enter the atmosphere, they
interact with air atoms and generate cascades of secondary particles known as extensive
air showers. Among these, muons play a particularly important role: they carry infor-
mation about the primary cosmic ray and are able to penetrate deep underground or
underwater, reaching detectors such as the KM3NeT /ARCA neutrino telescope. Located
in the Mediterranean Sea, ARCA is a very large-volume neutrino detector capable of
probing cosmic rays in the TeV-PeV energy range through the detection of atmospheric
muons, which constitute the majority of events it records. The goal of this thesis is to
study high-energy cosmic rays using atmospheric muons observed with KM3NeT /ARCA,
with a primary focus on investigating the anisotropy in their arrival directions in the
TeV-PeV range.

Keywords: Cosmic rays — Anisotropy — KM3NeT — ARCA
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Résumé

Les rayons cosmiques sont des particules chargées, principalement des protons et des
noyaux atomiques, qui atteignent la Terre depuis toutes les directions avec des énergies
extrémement élevées. En traversant l'atmosphere, ils interagissent avec les atomes de
I’air et produisent des cascades de particules secondaires, appelées gerbes atmosphériques
étendues. Les muons issus de ces gerbes constituent une composante essentielle : ils
conservent les informations sur les rayons cosmiques primaires et peuvent pénétrer pro-
fondément sous terre ou sous l'eau, jusqu'a des détecteurs comme le télescope a neutrinos
KM3NeT/ARCA. Installé en Méditerranée, ARCA est un détecteur de tres grand volume
capable d’explorer la gamme d’énergie TeV-PeV des rayons cosmiques grace a la détection
des muons atmosphériques, qui représentent la majorité des événements enregistrés. Cette
these a pour objectif I’étude des rayons cosmiques de haute énergie a partir des muons at-
mosphériques observés par KM3NeT /ARCA, avec un accent particulier sur ’anisotropie

de leurs directions d’arrivée dans la gamme TeV-PeV.

Mots clés : Rayons cosmiques — Anisotropie — KM3NeT — ARCA
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Introduction

Cosmic rays are charged particles, mainly protons and heavier nuclei that constantly
bombard the Earth with extremely high energies. Since their first discovery, they have
unlocked the door to a new discipline in physics, the astroparticle physics, and remains
until now the heart of some of its biggest questions. Their origin is still not fully under-
stood even after more than a century of research. Their energy spectrum spans across
many orders of magnitude and shows distinctive features such as, the so called "knee" and
"ankle" which give us a hint about their sources and their propagation in the interstellar

medium.

One way to explore the origin on cosmic rays is by studying the anisotropy in their arrival
direction. Although cosmic rays reach the Earth isotropically, small deviation at the level
of 1073 to 10~* have been observed by several ground based experiments in both the
Northern and Southern hemispheres. These small patters provide key information about

how cosmic ray diffuse through magnetic fields and the presence of nearby sources.

This is where KM3NeT/ARCA comes in, to provide complementary measurements of
cosmic ray anisotropy in the TeV-PeV range. ARCA is a neutrino telescope located deeep
in the Mediterranean sea designed to observe high-energy cosmic neutrinos. At the same
time, the detector constantly records atmospheric muons coming from the interaction of
cosmic rays with the atmosphere. These muons are usually considered as a background
with respect to the detector, nevertheless they can be used to probe high energy cosmic

rays.

The main goal of this thesis is to use the atmospheric muons detected by ARCA to
probe high-energy cosmic rays with a focus the reconstruction and analysis of cosmic ray
anisotropy. The results presented here shows how KM3NeT can contribute to cosmic ray

physics in addition to its primary mission of neutrinos astronomy.

The first chapter of this thesis gives an overview of cosmic rays, their discovery, possi-
ble sources and how they propagate through space. Chapter 2 focuses on cosmic ray

anisotropy and summarises key results from previous experiments. Chapter 3 introduces

15



the KM3NeT detector and its design. Chapter 4 explains the analysis software used in this
work and the processing chain in KM3NeT. Finally, chapter 5 presents the atmospheric
muons properties at sea level as well as the first measurement of cosmic ray anisotropy
with the KM3NeT/ARCA detector.
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Chapter 1

Cosmic rays

Since the discovery of cosmic rays (CRs) in the 20th century, they have been a key probe
for understanding high energy phenomena in the universe. CRs consist mainly of protons
and heavier nuclei that strike the Earth constantly from outer space. Their study include
a wide range of energies, mass compositions and acceleration scenarios from extreme
astrophysical environment. After their acceleration, these particles propagate through
the interstellar medium and interact with magnetic fields before reaching our planet. In
this chapter, an overview of cosmic rays, their potential sources, and their propagation

through space is presented.

1.1 Historical background

The discovery of cosmic rays was made in 1912 by Austrian physicist Victor Hess [1] during
a hot-air balloon ascent equipped with electroscopes (Fig. [1.1). Observing ionizing flux
increasing regularly with altitude, he deduced the radiation’s cosmic origin, challenging
the prevailing belief in terrestrial radioactivity. Hess received the Nobel Prize in Physics
in 1936. The American physicist Robert Millikan coined the term “cosmic rays” in 1925.
In 1938, the French scientists Pierre Auger and Roland Maze identified temporal coin-
cidences in cosmic rays, naming the phenomenon “air shower” [2]. Using Geiger-Miiller
counters spaced 300 m apart, they recorded coincidences revealing secondary particles
initiated by atmospheric interactions. The exploration of high-energy cosmic ray physics
gained momentum in 1963 when the American scientist John Linsley observed extensive
air showers with an unprecedented energy of about 10%° eV, suggesting an extragalactic
source. Subsequent experiments, such as SUGAR in Australia, AGASA in Japan, and

the Pierre Auger Observatory in Argentina, investigated this exceptional radiation.
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Fig. 1.1: Victor Hess setting off on his balloon flights. Taken from [3].

In 1965, Penzias and Wilson discovered the cosmic microwave background (CMB), leading
Greisen, Zatsepin, and Kuz'min (GZK) researchers to explore its impact on cosmic rays.
By 1966, they revealed the GZK effect, indicating that cosmic rays, above 4 x 10! eV for
protons, interact with the CMB photons, resulting in significant energy loss [4], [5].

In 1967, Greisen proposed the air fluorescence technique to detect large air showers from
cosmic rays with ultra high energies |[4]. This method uses the atmosphere as a calorimeter,
detecting fluorescence emitted as cosmic rays interact with air atoms. The first detection
occurred at Volcano Ranch in New Mexico by physicists from the University of Utah [6].
Subsequently, experiments like Fly’s Eye [7], Pierre Auger Observatory [8], and Telescope
array [9] continued using this technique, combining air fluorescence and ground-based

detection methods to cover the skies of both the southern and northern hemispheres.

1.2 Primary energy spectrum

Fig. illustrates the primary energy spectrum of high-energy cosmic rays, showcasing
how particle rates change with energy. The rate decreases rapidly with energy, following

a power-law:
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o (1.1)
where ~ is the spectral index. Breakpoints in the slope indicate transitions between
different cosmic ray behaviors. Cosmic rays with energies below a few GeV are affected

by solar winds, leading to their expulsion from the solar system.

e Around 5x 10 eV, a breakpoint known as the “knee” occurs, marking the transition
to cosmic rays believed to be accelerated by supernovae within our galaxy. The first

knee corresponds to particles with the lowest charge.

o At 10'7 eV, a shift from v = 3 to v = 3.3 represents the “second knee”. Between
the knees, the spectrum structures appear in ascending order of electric charge,
with the second knee corresponding to cosmic rays with the highest electric charge,

specifically iron nuclei.

e Around 5 x 10 eV, a shift from v = 3.3 to v = 2.7, called the “ankle”, represents
the transition from Galactic origin to extragalactic origin. This transition suggests
a change in the cosmic-ray source beyond our galaxy. Indeed, at such energies,
cosmic rays cannot be confined within our galaxy as their Larmor radii (RL) would
exceed the width of the Galactic disk. For a particle with momentum p and charge

Ze gyrating in a magnetic field B, the RL is given by:

D 1.8 Mpc 1 EeV ( B )‘1
RL_ZeBX< Z >X< E )" \1inG
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Fig. 1.3: Energy spectra of cosmic rays measured by the Pierre Auger Observatory.
Left: Combined spectrum using events with zenith angles up to80°covering declinations
from the south celestial pole to +44.8° with systematic flux uncertainties indicated by the
shaded band. Right: Preliminary spectrum for zenith angles up to 60° from Phase II of
Auger, compared with Phase I results. Taken from [11].

For example, for a cosmic proton (Z = 1) with energy E = 10'® eV propagating
1 nG, RL is calculated to be 1.08 Mpc,
significantly larger than the estimated diameter of the Milky Way, which is 20 kpc

(equivalent to 0.02 Mpc).

~
~

in an intergalactic magnetic field B

At the high-energy end of the spectrum, around 4 x 10%° eV, the uncertainty bars
associated with measurement points in this region reveal a conspicuous lack of ex-
perimental data (Fig. [1.2)). The observed cutoff aligns with the GZK cutoff, but it
cannot be ruled out that it might instead signify that the sources of cosmic rays

have reached their limit in terms of acceleration power.

The Pierre Auger Observatory found a new feature in the ultra-high-energy cosmic ray
(UHECR) spectrum: the “instep”, at about 13 EeV (Fig. |1.3]).
which lies between the well-known ankle (about 5.1 EeV) and the flux suppression (about

This spectral feature,

48 EeV), shows a small but statistically significant change in the spectral slope. After
19 years of data and more than 104,000 km? sr yr of exposure, the instep has now been
seen with a significance greater than 50, confirming that it is a real structure in the
UHECR energy spectrum. After the ankle (7, = 2.51), the spectral index gets harder
and steeper again after the instep (y3 = 2.99). This could mean that the composition,
the source class, or the propagation regime of cosmic rays changes. This finding gives us
a new observational limit for theoretical models of how cosmic rays are made and how
they speed up, and it shows how important it is to improve our understanding of how

UHECRs are made and move in space outside of our galaxy.
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Fig. 1.4: Nuclear abundance of cosmic rays compared to the solar system. Taken from
reference [12].

1.3 Mass composition

The experimental measurement of the primary cosmic ray composition is feasible only for
energies below 10! eV, using detectors on stratospheric balloons or satellites. Fig. [1.4
compares the relative abundance of cosmic rays with the elemental abundance in the
solar system. The primary cosmic rays share many characteristics with the solar system

composition, but there are two notable differences.

Indeed, atomic nuclei with atomic number Z = 2-4 (Li, Be, B) and the iron sub-group
(Sc, Ti, V, Cr, and Mn) are more abundant in cosmic rays than in the solar system. The
prevailing explanation is that cosmic rays initially have the same chemical composition
as the solar matter. However, during their journey through space, interactions with
interstellar gases and dust particles lead to spallation, causing heavy nuclei to break into
lighter ones. The overabundance of the (Li, Be, B) group is attributed to carbon (C) and

oxygen (O) spallation, while iron (Fe) contributes to the iron sub-group.

For most cosmic rays, the average amount of matter (X) traversed between production
and observation at Earth is 5 to 10 g/cm?. This estimate is derived from the spallation
cross-section measured by particle accelerators. Additionally, the matter density (py) of

the Galactic disk is estimated at 1 proton/cm?. With these data, the average free path
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(1) of cosmic rays is estimated as:

l:

=3 x 10* cm ~ 1 Mpc (1.2)
mppN

where m, = 1.67 x 107** g is the proton mass. Considering the Galactic plane diameter
of approximately 30 kpc, it suggests that low-energy cosmic rays propagate in a highly

tortuous path through our galaxy. The resulting lifetime for cosmic rays is:

7= —~3x 10° years (1.3)

S | e~

This implies that cosmic ray nuclei spend a considerable time diffusing in the Galactic

halo before escaping into the intergalactic space.

1.4 Extensive air showers

When a cosmic particle of very high energy enters the Earth’s atmosphere, it interacts
with the atomic nuclei in the air, generating other particles known as secondary cosmic
rays. Depending on their energy, these secondary particles either interact further with
the air or undergo decay, and the newly produced particles follow the same fate. This
process repeats throughout the atmosphere until the particles reach the ground, leading

to the formation of what is commonly referred to as air showers (Fig. [1.5]).

0 around 10% of kaons

The interaction of the primary particle mainly produces pions 7+, 7
(K*, K°), and nuclear fragments. They form the hadronic component of the air shower.
Initially, the charged pions (7%) and charged kaons (K*) have high energy, making them
more prone to interacting with the medium and causing nuclear reactions. However, as

the shower develops, their energy decreases, and they eventually decay:

= =+ v (9,)

K* — u* + (1)

These muons constitute the muonic component of the shower. As for the neutral pion
(%), due to its extremely short lifetime (~ 107'® s), it mainly decays into a pair of
photons. These photons generate electron-positron pairs (e, e™), which, in turn, create
photons through Bremsstrahlung. These successive creations give rise to the so-called

electromagnetic component of the shower.
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Fig. 1.5: Schematic illustration of a cosmic-ray air shower. Taken from .

At sea level, cosmic rays consist of approximately 80% muons (u*), 20% electrons (e*),
and a small percentage of hadrons. This composition emphasizes the predominant role of
muons in the cosmic ray flux reaching the Earth’s surface. Understanding the behavior and
characteristics of muons at sea level is essential not only for deciphering the composition of
cosmic rays but also for unraveling the complexities of extensive air showers, where muons
play a central role in shower development and propagation. Therefore, by examining
muon properties at sea level, we gain invaluable insights into the dynamics of cosmic ray

interactions and their manifestations in atmospheric phenomena (see section 4.1).

1.5 Acceleration mechanism

Cosmic ray particles are believed to undergo acceleration through two mechanisms. The
first involves direct acceleration by significant electric fields associated with the rapid
rotation of objects or active galactic nuclei. However, this is not favored due to high-
energy density and theoretical limitations. The second, proposed by Fermi in 1949, relies
on stochastic acceleration of charged particles, with two variants: first-order and second-

order acceleration.
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Fig. 1.6: Tllustartion of the second-order Fermi acceleration. Taken from [14].

1.5.1 Second-order Fermi acceleration

The basic idea is that a charged particle can be accelerated when scattered by a moving
magnetized gas cloud (magnetic mirror) [15]. The probability of a head-on collision is
higher than that of a rearward collision. In other words, particles gain energy, resulting
in acceleration. Let E; be the energy of an incident charged particle entering a magnetized
cloud with momentum p; and an angle of incidence 6; with the cloud’s direction of motion
(Fig. . After several scatterings, the particle exits the magnetized cloud with energy
E¢, momentum py, and angle ;. By applying Lorentz transformations between the

laboratory frame (R) and the cloud frame (R’), we have:

E; =vEy(1+ Bcosly) = v*E;(1 — Bcosb;) (1 + Bcosby) (1.5)

with § = V/c, where V is the cloud’s speed, and + is the Lorentz factor. In the cloud’s

frame, we have an elastic collision, so Ey; = Epy. The relative energy gain is:

2 , _ .
AE 7(1—1—6 cos f; cos ¢ 500591+5C059f_1> (1.6)

2

Moreover, (cosfs) = 0. As the particle experiences repeated scatterings within the cloud,
its exit direction becomes random. The average value of cos#; depends on the relative

velocity between the cloud and the particle, namely v — V cos ;. We find:

(cos ;) = —g

(1.7)

This yields (AE/E) ~ 4/3?/3. Here, the overall energy gain is not significant, especially

in the classical limit (non-relativistic) where § < 1.

24



1.5.2 First-order Fermi acceleration

The second-order Fermi acceleration process is very slow, which is a significant draw-
back. Therefore, a more efficient mechanism was proposed, based on the idea of diffusive
acceleration at a shock wave generated, for example, by a supernova remnant (SNR), a
gamma-ray burst (GRB), etc [14]. A particle that crosses the shock front from upstream
to downstream and back again (i.e., between the shocked and unshocked regions) gains

energy. This energy increases with every round trip due to magnetic reflection effects.

Let Vi be the shock speed and V), the velocity of the charged particle. One can show that

the average cosine of the entry angle over upstream crossings is

(cosb;) = —g (1.8)

and that the average cosine of the exit angle over downstream crossings is

(cosbf) = +§ (1.9)

This assumes that the angular distributions before and after crossing the shock are

isotropic. From these, it follows that

AE 4
~ = 1.1
=~ 38 (1.10)

where § = V;/c. Note that the energy gain is proportional to 8. If Ej is the injected

energy of the particle, then after n shock cycles:

E=FE (1+§5)n (1.11)

Thus,
" — IH(E/E())
In (1+48)

Let Pescape be the probability that a particle escapes the acceleration region during one

(1.12)

cycle. The probability that it remains is (1 — Pegcape), and after n cycles it’s (1 — Pegcape)™

Hence the number of particles remaining is:
N = Ny (1 — Pescape)” (1.13)

Substituting n from (1.11), we get:

F \ In(1=Pescape)/ In(1+33)
) ’ (1.14)

N =N (5
0
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Fig. 1.7: Ballistic surfing acceleration of three ions injected into a perpendicular shock
at different incident angles. Taken from [16].

This corresponds to a power-law energy spectrum. In the case of a non-relativistic shock
propagating through a monoatomic gas with a compression ratio of » = 4, the spectral
index « (or p) is approximately 2. For a relativistic shock, 7 is typically in the range 2.0
to 2.3. For ultra-relativistic shocks, the index is usually between 2.2 and 2.3, depending

on the specific model you consider.

1.5.3 Ballistic surfing acceleration

Another acceleration mechanism is introduced as an alternative to the traditional first-
order Fermi acceleration. The model referred to as Ballistic Surfing Acceleration (BSA)
suggests that particles acquire energy beyond the shock front, by interacting with the
upstream convection electric field, instead of through multiple shock crossings (Fig. [1.7)).
In contrast to the Fermi model, which associates the spectral index with density compres-
sion, BSA indicates that it is actually determined by magnetic field compression. The
analysis indicates a projected spectral index of —2.5 beneath the “knee” and —3 above it,
which aligns closely with observed data. The knee’s position can be understood as the
energy level where a particle’s gyroradius matches the dimensions of a supernova shock.
The estimated time for the necessary acceleration is approximately 300 years, indicating
that fewer shock encounters are needed. This model underscores that the observed align-
ment between Fermi/DSA predictions and actual observations is merely coincidental, as
BSA provides a more coherent and physically consistent interpretation of the cosmic-ray

spectrum [16].
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1.6 Potential sources of cosmic rays

1.6.1 Galactic sources

« Supernova Remnants (SRNs)

A supernova remnant is the expanding shell of gaz and plasma left behind after
the core collapse of a massive star. These remnants are among the most energetic
astrophysical objects in the Galaxy, with shock fronts expanding at several thousand
km /s and compressing the surrounding interstellar medium. Because of their strong
shocks and large spatial extent, SRNs are considered the primary accelerators of CRs
up to at least the knee region [17]. They can not accelerate cosmic rays to energies
higher than the knee energy region due to the size of the shock front and the strength
of the magnetic field.

o Pulsars

Pulsars are neutron stars that rotate rapidly and emit beams of electromagnetic
radiations including radio waves due to their strong magnetic field. Specifically,
pulsars generate strong winds of positrons and electrons that end in shocks, creating
pulsar wind nebulae (PWNe), which are places where additional acceleration takes
place. These systems may account for observed excesses in CR positrons and are
thought to be significant contributors to the Galactic CR population, particularly
at high energies |18].

1.6.2 Extragalactic sources

« Active Galactic Nuclei (AGNs)
The most luminous objects in the universe are Active Galactic Nuclei (AGNs), which

have power outputs ranging from 10* to erg s—!.

There are primarily two types
of AGN: radio-weak sources and radio-loud sources. Some examples of radio-weak
sources include radio-quiet quasars, Seyfert galaxies, and LINERs; these objects do
not emit much radio energy and do not release relativistic jets. Blazars, radio-loud
quasars, and Fanaroff-Riley radio galaxies are examples of radio-loud sources. The
latter are further broken down into four distinct morphological kinds, two of which
being the famous FR I and FR II. The universe’s largest dissipative (non-thermal)
sources are FR II galaxies. The lobes of these galaxies contain regions of extremely
high synchrotron radiation, called hotspots, which form relativistic particles and
turbulent magnetic fields, transforming most of the kinetic energy carried by the

jets emanating from the central engine, which consists of a supermassive black hole
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and its accretion disc. Acceleration of particles in these regions is mostly due to
first-order Fermi processes. Radio-galaxies like as Centaurus A, Hercules A, Cygnus

A, and 3C 75 are famous examples.

« Gamma-Ray Bursts (GRBs)
Gamma-ray bursts (GRBs) are short, intense flashes of high-energy radiation pro-
duced by powerful explosions in distant galaxies, and are regarded as the most
luminous electromagnetic events in the universe. Various theoretical models place
the acceleration site at either internal or external shocks, as described in the fire-
ball model [19], [20]. Two main classes of GRBs are distinguished: (i) long GRBs,
typically lasting more than 2 s, which are thought to be associated with certain
types of supernova explosions; and (ii) short GRBs, with durations shorter than 2
s, which are believed to originate from the final stages of binary systems composed

of compact objects.

1.6.3 Hillas criterion

The Hillas criteria is defined as the ratio of an accelerated particle’s Larmor radius (ry)
to the size (L) of the astrophysical source [21]. A logical condition is that r;, < L for

acceleration to occur. Recall that:

B
"~ ZeB

rL (1.15)
where B is the magnetic field present at the astrophysical site and F is the energy that the
particle can acquire in the source (confinement energy). According to the Hillas criterion,

the maximum energy reachable is:
E <Epax =sfZeL (1.16)

where I', represents the Lorentz factor of the site and Z the charge number of the particle.
According to the Hillas criterion, one can select among astrophysical objects those capable
of accelerating cosmic rays up to ultra-high energies (UHE), by plotting their sizes as a
function of their magnetic fields. This results in what is known as the Hillas diagram
(Fig. . Sources capable of accelerating protons up to 10?° ¢V are located above the
dotted line. These include, for example, gamma-ray bursts (GRBs), some of active galactic
nuclei (AGN), neutron stars, etc. Sites capable of accelerating protons up to 10*! €V are
located above the blue line, as shown in the figure. The green line is for iron nuclei, since

7 = 26, the product B x L is smaller than for protons at the same energy. This means
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Fig. 1.8: Hillas diagram. Taken from

sources below the proton line but above the iron line could still accelerate iron to 10*°eV
even if they can’t accelerate protons that high. It should be noted that energy losses are

not taken into account in this diagram.

1.7 Propagation in the Galaxy

Our galaxy, the Milky Way, exhibits a flattened disc shape with a radius of 15 kpc,
and a thickness of 300 pc (Fig. . One of the spiral arms of the Galaxy contains
the solar system. The latter is located approximately 8 kpc from the Galactic center.
Observations of Zeeman splitting, starlight polarization and Faraday rotation reveal the
presence of a large-scale magnetic field throughout the galaxy. Precisely, the disc and
halo are permeated by a coherent magnetic field of order By ~ 3-5uG in the plane,
decreasing to ~ 1 uG at heights of several kiloparsecs above the mid-plane. Upon this
regular component, a turbulent magnetic field component is superimposed with nearly the
same strength, but with a characteristic scale of 10-100 pc. A magnetohydrodynamic fluid
(MHD) is formed by the ionized gas and the magnetic field. Alfven waves can propagate
through that fluid and since the streaming of cosmic rays particles can generate these

waves, the latter can act as scattering sources for cosmic rays.
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Fig. 1.9: Schematic view of the Milky Way Galaxy. Taken from [22].

The current knowledge of the cosmic ray propagation through the galaxy relies on their
chemical abundance observed on Earth. With the use of the spallation cross section,
one can find an estimate of the interstellar matter traversed by the primary cosmic ray.
More precisely, by measuring the boron to carbon ratio (B/C). On average, cosmic rays
in the GeV energy range cross 5-10 g/cm? of matter. However, the amount of matter

along the Galaxy plane is about 1073 g/cm?

. Thus, the particles are trapped by the
Galactic magnetic field leading to a confinement time of several millions of years. As a
result, Galactic cosmic rays arrive isotropically to Earth (see the next chapter for more
details). At higher energies, cosmic rays produce fewer secondaries before arriving (the
B/C ratio decreases). This implies that they escape the Galaxy faster because their high
rigidity makes them harder to trap with magnetic fields (shorter confinement times) and
propagation and acceleration happen in different places (if acceleration and propagation
happened in the same site, the B/C ratio wouldn’t depend on energy). In order to model
the transport of cosmic-ray particles throughout the inter stellar medium (ISM), several

propagation models have been postulated.

1.7.1 Leaky-box model

The leaky-box model is one of the early models that explains the particle propagation in
the magnetic field but considered, nowadays, outdated. This model treats the Galaxy as a
homogeneous reservoir bounded by an absorbing three dimensional wall. Cosmic rays are
injected at a rate Q(E,t) and escape with a timescale Te(E) oc E~°. The particles are
assumed to be instantaneously and uniformly mixed within the volume and are lost only

by escape through the boundary, by spallation, or by radioactive decay. The leaky-box
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transport equation for species i can therefore be written as:

437——@wﬁ—%ﬂw—&wywﬂﬂ_gﬁr,
+>_Bepoicw(E) Nio(E, 1) (1.17)
k>i

where N(E,t) represents the differential number density, A; the mean free path length,
Tesc(E) the energy dependent escape time, y7; the Lorentz-dilated lifetime for unstable
nuclei, p the ISM mass density, Sc the particle speed, and o;, ; the spallation cross section
for production of ¢ from a heavier parent k. Neglecting secondary production and decay

for a stable primary gives the steady-state density:
N(E) = Q(E) Tesc(E), (1.18)

The escape time 7Teee o< R0 is often expressed in terms of the escape grammage, Aese =
pBcTese (amount of matter the particle passes through before escaping). For a simple
analytic connection between the source spectrum and the observed spectrum at Earth

§ o 0.6 [23).

1.7.2 Diffusion model

The diffusion model is one of the most common ways to describe how cosmic rays move
through the Galaxy. In this model, CRs scatter repeatedly on irregularities in the Galactic
magnetic field performing a random walk in space. This process can be represented as
spatial diffusion, with a mean free path defined by the magnitude and intensity of magnetic
turbulence. In contrast to the leaky-box model, which assumes a perfectly mixed reservoir,
the diffusion model accounts for spatial variations in the CR density, which allows the
modeling of gradients between the Galactic disk and halo and along the radial direction.
The steady-state transport equation for the simplest isotropic diffusion model is

N(E,T)

V-D(E)VN(E,7)+ Q(E,r) — (B

—0 (1.19)

where Q(E, ) is the source term, N(F, 7) is the differential CR density and D(E) =
Do(E/Ey)? is the diffusion coefficient, with 6 ~ 0.3-0.6 depending on the turbulence

spectrum.

At energies above a few GeV /nucleon, the diffusion model explains effectively the power
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law dependence of secondary to primary ratios such as B/C observed on Earth. More-
over, the model naturally incorporates spatial gradients, allowing consistency checks with
gamma-ray emissivity profiles. However, the simplest version of the diffusion model ne-
glects convection, energy losses, and reacceleration, which limits its accuracy at low en-

ergies and in regions with strong Galactic winds [24].

1.7.3 Diffusion-convection model

In addition to the scattering induced diffusion, CRs can be transported by convection, i.e
by large scale Galactic winds. The diffusion-convection model extends the basic diffusion
equation by adding a term representing this bulk motion. The steady-state equation

becomes

N

V- [D(E)VN] =V |[V.N| + Q(E,#) — — =0 (1.20)

esc

where V., is the convection velocity which is directed perpendicular to the Galactic disk
and increasing with height: V, = £V, Z. This term removes CRs more efficiently at low
energies, where diffusion is slow, thereby affecting the spectral shape and secondary to

primary ratios.

Physically, convection reduces the amount of spallation and shortens the residence time
of CRs by sweeping them into the halo from the disc. Consequently, radioactive isotope
abundances like 1°Be can be decreased, and B/C ratios are typically lower at low energies.
Because of this, the model can be used to constrain the wind speed and the halo size
from observational data. Even though the diffusion-convection model takes into account
Galactic outflows, it still has trouble reproducing all of the observed CR data, especially
the low-energy flattening of B/C, unless other processes like reacceleration are taken into

account [25].

1.7.4 Diffusion-reacceleration model

According to this model, CRs are accelerated stochastically (second-order Fermi accelera-
tion). Here, CRs gain or lose momentum through the interactions with moving magnetic
irregularities such as Alfvén waves in the turbulent ISM. The steady state equation (ne-

glecting strong convection) is then given by:

0N

0 N
ke [pZDpp@)appz] FQET) -

—0 (1.21)

Tesc
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where D, (E) represents the spatial diffusion coefficient, D,,(p) is the momentum space
diffusion coefficient, and Q(E,r) is the source term. The relationship between the coeffi-

cients is described by the following equation in quasi-linear theory:

4 p2
D,, ~ 3 vi oo (1.22)

W)
where v,4 is the Alfvén speed and ¢ is the rigidity dependence of diffusion. The observed
flattening of secondary-to-primary ratios, such as B/C, is most effectively caused by reac-
celeration at low to intermediate energies (~0.1-10 GeV /nucleon). Models that include
reacceleration, such as those developed by Strong & Moskalenko [25] and Maurin et al.
[26], fit a wide range of CR data better than pure diffusion or convection models. The
best-fitting values suggest that v, ranging from 20 to 40 km s~! and Galactic halo heights
between 4 and 12 kpc. The reacceleration model s used as baseline in recent numerical
propagation algorithms like GALPROP [27] and DRAGON 28] despite the fact that it

introduces more parameters and relies on turbulence assumptions [26].

1.7.5 UHE cosmic-ray propagation

CRs with energies above 10'® eV propagate through the Galactic and extragalactic space
in a nearly rectilinear motion. The Larmor radius of these particles exceeds the typical
size of the Galactic halo making diffusion-based models inapplicable [29]. A critical effect
in this regime is the GZK effect (discussed in section 1.2). The mean free path of these
particles is few tens of megaparsecs (Mpc). As a result, the observable UHECR population
is expected to originate from sources within the so-called GZK horizon. UHECRs can
in principle be used to search for their astrophysical sources since their trajectories are
less affected by magnetic fields unlike low energy CRs. For example, a proton from the
direction of the radio galaxy Centaurus A (at 3-5 Mpc, within the GZK radius) would
be deflected by the regular component of the Galactic magnetic field by an angle

Z
Al = (2.3 £0.24°) = (1.23)
20

where Eo is the cosmic ray energy in units 102° eV and Z is its charge. The uncertainty

reflects our incomplete knowledge of the Galactic magnetic field structure [30].

Moreover, a deflection occurs in the extragalactic space due to turbulent intergalactic
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magnetic fields, estimated as

D AXGal )1/2 (BXGa1> Z (1.24)

60xGar A 0.15° : .
XGal (3.8 Mpc 100 kpc 1 nG ) By

where D is the source distance, Axga the field coherence length, and Bxaa its rms strength
[31]. For light primaries (protons or helium nuclei), deflections remain small enough
(< 10°) allowing a positional correlations with candidate sources. However, for heavier
particles, such as that inferred by the Pierre Auger Observatory at the highest energies,
would cause larger deflections, complicating source identification. If neutrons contribute
significantly to the UHECR flux, the magnetic field would not affect their propagation.
However, their finite rest frame lifetime of ~ 15 minutes limits their range: a neutron

with F ~ 10%° eV (Lorentz factor I' ~ 10'!) can travel only ~ 1 Mpc before decaying.
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Chapter 2
Cosmic-ray anisotropy

A logical approach to search for the origin of cosmic rays is to examine their arrival
directions on earth and identify regions of significant excess that might coincide with the
location of known astrophysical objects. Nevertheless, the truth is much more intricate.
In contrast to neutral particles, like photons or neutrinos, cosmic rays are charged, and
their trajectory is significantly affected by the galactic magnetic field. While propagating
in the interstellar medium, cosmic rays undergo several deflections due to the combination
of large-scale coherent magnetic fields and small-scale turbulent structures (as discussed
in the previous section). These deflections randomize their trajectories, especially at
low energies (in the GeV-TeV range), resulting in an isotropic distribution in the arrival
direction of cosmic rays. This diffusion process effectively erases the majority of the
directional information that may associate a cosmic ray with its astrophysical origin.

This section discusses the anisotropy of cosmic rays for different energy ranges.

2.1 Introduction

The deflection of cosmic rays by the Galactic magnetic field (GMF) is characterized by

the gyroradius (also known as the Larmor radius)

() we e

where Z is the electric charge (in units of e) of the incoming particle and E is its energy.
B is the strength of the GMF, typically 0.5-2.5 uG [1]. Anisotropy is commonly classified
as small-scale (S 10°), medium-scale (10-45°), or large-scale (2, 45°), depending on the
value of £ and, thus, the value of r,. For cosmic rays with £ > 10° GeV, the gyroradius
rr, (2 kpe) is quite higher than the largest scale of the turbulent component of the GMF
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(~ a few hundred pc). In this case, the trajectories of incoming particles are scarcely
affected by the GMF, and one can explore local structures with angular sizes < 10°.
However, for E < 10° GeV, the gyroradius ri, (< pc) is much smaller than the largest
scale of the turbulent component of the GMF. Cosmic rays are hence significantly deflected
by the GMF and their propagation becomes diffusive. It is likely that only large structures
with angular sizes 2 45° can be investigated in this energy region. Nevertheless, there is
nothing wrong in searching for small-scale anisotropy below 10¢ GeV. Such studies, quite
challenging, do not seek to identify the sources of cosmic rays, but rather to constrain
propagation models and probe the structure of the local interstellar environment. In the
intermediate energy range (10°-10° GeV), the trajectories of cosmic rays and the largest
scale of the GMF turbulent component are of the same order of magnitude and one can

explore structures with an angular size of about 10-45°.

2.2 Anisotropy of TeV cosmic rays

2.2.1 Large-scale anisotropy

Cosmic rays with TeV energies move through the galaxy diffusively. Although it is not
possible to directly search for cosmic ray point sources using their arrival directions, their
distribution in the sky exhibits some degree of anisotropy, which is at the per-mille level. In
1935, Compton & Getting published a model to explain the early anisotropy claims made
by Hess [2]. This model emphasizes the fact that the rotation of the solar system around
the galaxy together with the the earth relative motion with respect to the unknown frame
of galactic cosmic rays has a measurable effect on cosmic ray intensity. The soloar system
is moving towards a point in the sky with the following coordinates («, §) = (315°, +49°)
and with a velocity of 200-300 km/s according to the type of Galactic objects taken as
rest frame |3]. This predicted Compton-Getting anisotropy is expected to appear as a
dipolar structure, with its maximum aligned with the Sun’s direction of motion, and a

relative intensity variation expressed as:

<AI§ =(y+2) % cos p (2.2)
where [ represents the cosmic ray intensity, v is the spectral index of the comsic ray
energy spectrum, v is the velocity of the Earth which results from the motion of the solar
system, p is the opening angle between the cosmic-ray direction and the velocity vector
and c is the speed of light [4]. Replacing the parameters values in the above equation gives
a dipole with an amplitude of ~ 3.5 x 1073, There is currently no observable evidence of
this effect.
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Due to the Earth rotation around the sun, a similar anisotropy is expected; it is known
as Solar Compton-Getting or solar dipole. The Earth orbits the sun at a velocity of
~ 30 km, this will produce a solar dipole with an amplitude of 4.7 x 10~*. The dipole
excess aligns with the velocity vector of the Earth pointing to a position of roughly 90°
from the sun along the ecliptic plane. This feature has been observed by several cosmic

ray experiments.

Another source of anisotropy arises from the diffusion of cosmic rays in the Galaxy. In the
diffusion mechanism of CR propagation, the rate at which particles scatter and spread
throughout the Galaxy is described by the diffusion coefficient D(FE), as discussed in
Section 1.7. Higher-energy cosmic rays diffuse more rapidly and escape the Galaxy on
time scales of millions of years. The diffusion coefficient follows a power-law scaling,
D(E) o< R?, with § ~ 0.3-0.6, as determined by the turbulence spectrum of the interstellar
medium. Unlike the leaky box model, the diffusion theory predicts spatial gradients in
the cosmic ray density n(F) as a function of distance from the sources and time since
injection. In the presence of the large-scale Galactic magnetic field, these gradients lead
to a net drift of particles, producing a dipole anisotropy in the arrival directions. The

amplitude of this anisotropy is then given by:

3D(E) Vn(E)
cn(E)

I(FE) = (2.3)
Here, Vn(E) points toward regions of higher cosmic ray density. Since D(F) o< E%, with
a =~ 0.3-0.6, the anisotropy amplitude is expected to scale as §(E) o E®, with typical
values in the range from 1072 to 1072. This framework naturally explains the small but

measurable deviations from isotropy observed in the cosmic-ray sky.

2.2.2 Experimental observations

Nagachima et al. [5] investigated the origin of large-scale CR anisotropies in the multi-TeV
energy range based on data collected by underground muon detectors located in Japan.
They claimed that the observed sidereal anisotropy can be decomposed into a Galactic
component, reflecting diffusion and drift of cosmic rays in the Galaxy, and a helio-tail
component associated with the solar wind outflow and the downstream structure of the
heliosphere. The helio-tail anisotropy manifests as an excess of cosmic rays near the right
ascension RA = 6 h (90°) and declination Dec ~ —24°, which is roughly opposite the
direction of the solar system’s motion through the local interstellar medium (Fig. [2.1)).
The excess is referred to as “tail-in” anisotropy, while the deficit region which follows the
direction (RA= 12h (180°), Dec = 20°) is called the “loss cone” Moreover, their study

39



a) _ 1.002 2
o -
=)
= 0.9995%
8 ®
o L8

0.997 <

b) _ 1.002 @
g! .
E: _
5 0.9995%
8 2

0.907 <

c) & - 1997-2001
5 1.001~ __ —

8 " T | - 2001-2005| __ ————o

£ 1 S

E; 0.999 . e | .
0 50 100 150 200 250 300 350

R.A. (deg)

Fig. 2.1: Anisotropy sky map derived by the Tibet-AS~y collaboration ﬂEﬂ highlighting
the tail in excess (I) and the loss cone (II) regions and the board excess (III) interpreted
to be linked with the Galactic region Cygnus. The observed anisotropy pattern remains
stable over time, as shown in panels (a) and (b). Additionally, panel (c) provides a one-
dimensional projection of the anisotropy.

demonstrated that the helio-tail anisotropy exhibits seasonal variation: its amplitude is
stronger in December when the Earth is aligned closest to the heliotail direction and
weaker in June. In contrast, the Galactic anisotropy remains constant in both the am-

plitude and orientation which reflects the propagation of Galactic CRs through the ISM

Investigating higher energies, the Tibet Air Shower Array [6] located in Yangbajing re-
ported a dipolar anisotropy in the arrival distribution of cosmic rays with respect to the
Sun’s position, using a dataset of 37 billion events with energies ranging from 4 TeV to
300 TeV collected between 1997 and 2005. The amplitude of the dipole, ~ 4 x 107, is
consistent with the known solar Compton—Getting effect. Moreover, a significant excess
was observed in the sidereal time distribution at energies of about 3 TeV, which can be de-
scribed as a dipole structure representing the large-scale anisotropy of cosmic rays. They
also confirmed the “tail-in” excess and “loss-cone” deficit features discussed earlier. In
addition, they demonstrated that the expected Galactic Compton—Getting effect, arising
from the solar system’s orbital motion around the Galactic center, was absent. This null
detection, with a sensitivity of ~ 0.03%, provides strong evidence that Galactic cosmic
rays are not stationary in the Galactic rest frame but corotate with the local Galactic

magnetic field.
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Observations from other experiments located in the northern hemisphere, such as Milagro
[7], Super kamiokande [§8] and AGRO-YBJ [9] are in agreement with those previously
reported by the Tibet experiment.

The large-scale pattern is commonly described either by a single dipole or by a superpo-
sition of dipole and quadrupole terms, each defined by its amplitude and phase. For the
ARGO-YBJ data, the variation of the relative intensity 0/ with right ascension o was
fitted using the function:

01(cr) = Ay cos(a — 1) + Ag cos (2(a — 2)). (2.4)

The fit yielded amplitudes A; = 6.8 x 107 and A, = 4.9 x 10, with phases ¢; = 39.1°
and ¢ = 281°.

Building on these earlier measurements, more recent experiments such as HAWC [10]
and LHAASO [11] observatories have provided complementary results with improved
precision. The analysis of 2 years of data provided by the HAWC Observatory, located in
Mexico, reveals an energy-dependent anisotropy in cosmic rays, primarily characterized
by a dipole moment with a phase in right ascension at approximately 40°. The amplitude
of this dipole slowly rises from 8x10~% at 2 TeV to 14x10~* around 30 TeV, after which it
decreases. To estimate cosmic-ray energies and to account for observational limitations,
a maximum likelihood-based estimator was employed (details in the next section). This
technique helps to compensate for the attenuation of the dipole strength that occurs with
mid-latitude detectors like HAWC, which only observe a fraction of the full sky at any
given time. The results are presented in Fig. [2.2] These results contribute to improving
constraints on local cosmic-ray accelerators and the structure of intervening magnetic

fields.

More recently, the LHAASO experiment has measured the large-scale cosmic-ray anisotropy
with high statistics using its Water Cherenkov Detector Array (WCDA) in an energy
range from about 1 TeV to 150 TeV, based on two years of data including roughly 230
billion events (Fig. . At lower energies, a distinct sidereal dipole structure was de-
tected with an amplitude and phase that agree with past experiments like ARGO-YBJ
and HAWC. Beyond 30 TeV, the signal amplitude starts to drop, suggesting a potential
energy-dependent change in the distribution or propagation of Galactic cosmic rays, but
the anisotropy remains largely consistent up to that point. Furthermore, the analysis
method was confirmed by the detection of the anticipated solar Compton-Getting dipole
with the proper amplitude and phase (Fig. . These findings greatly enhance our un-
derstanding of the energy development of cosmic-ray anisotropy and serve as a benchmark

for comparison with other detectors [11].
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Fig. 2.2: Relative intensity 6/ (left) and statistical significance anisotropy maps produced
by HAWC experiment showing a clear dipolar structure. Taken from .
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Fig. 2.3: 2D maps of anisotropy intensity in the sidereal time frame at different energies
produced by the LHAASO collaboration. Taken from .
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Fig. 2.4: 1D projection of the solar CG dipole. Taken from .

As for observations from the Southern Hemisphere, IceCube , a cubic-kilometer neu-
trino telescope at the South Pole, has recently reported an updated measurement of
cosmic-ray anisotropy based on 12 years of data. The analysis spans energies from about
13 TeV up to 5.3 PeV and reveals a pronounced dipole component in the arrival direction
distribution. The dipole amplitude decreases with energy, reaching a minimum of order
1073 near 100 TeV, before increasing again up to the PeV scale (Fig. . In addition to
this change in strength, the orientation of the dipole evolves with energy: at ~ 13 TeV
the dipole maximum is located near right ascension (RA) ~ 50°, while by ~ 100 TeV the
dipole direction has shifted by roughly 180°, pointing instead toward RA ~ 230°. This
flip in phase, together with the reduction of amplitude above the PeV range, confirms
that the anisotropy is not static but exhibits a marked energy dependence, which is likely
tied to the transition between local and large-scale propagation effects in the Galactic

magnetic field.

The combined analysis of HAWC and IceCube data showed a full sky measurement
of cosmic-ray anisotropy at 10 TeV (Fig. [2.6). By merging the complementary fields
of view of both observatories HAWC in the northern hemisphere and IceCube in the
southern hemisphere, the study resolved the anisotropy patterns across the entire sky
with unprecedented sensitivity. The horizontal dipole components were measured to be
equal to dop, = 9.16 x 10~ and &g, = (7.25£0.04) x 1074, which represent the orthogonal
projections of the dipole onto the equatorial plane, corresponding to an overall dipole
amplitude of A ~ 1.2 x 1072 with a phase a = 38.4°. Moreover, the study inferred the
direction of the local interstellar magnetic field from the boundary between excess and

deficit regions at R.A. 229.2° + 3.5° and decl. 11.4° £ 3.0°.
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Fig. 2.5: Relative intensity sky map from the Icecube experiment shown as function
of the primary cosmic ray energy, illustrate the energy dependence of the dipole and reveal
a phase shift around 100 TeV.
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Fig. 2.6: (A) sky map of the relative intensity d/, (B) the corresponding statistical
significance from the combined analysis of HAWC and IceCube. Taken from [14].
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Fig. 2.7: Relative intensity observed by ARGO-YBJ experiment. Adapted from [15].

2.2.3 Small-scale anisotropy

The presence of small-scale structures poses a more significant theoretical challenge, unlike
the large-scale anisotropies of cosmic rays which can be effectively addressed through the
framework of diffusive propagation in the Galaxy. Observations in the northern sky have
revealed localized regions of excess flux at multi-TeV energies, the most notable being
two hotspots identified by the Milagro experiment with fractional excesses of order 1074,
These features have stimulated a variety of interpretations, ranging from particle transport
along magnetic field lines in the presence of nearby “magnetic mirrors” or “nozzles”, to
associations with local supernova remnants such as Geminga, or beam-like enhancements
produced by propagation effects in a turbulent interstellar medium. A heliospheric origin
has also been considered, but the density of interstellar material in the heliotail is too
low to support this explanation. Subsequent measurements by ARGO-YBJ confirmed the
existence of these excess regions and hinted at additional small-scale structures, reinforcing

the view that localized anisotropies are a persistent and significant feature of the cosmic-

ray sky (Fig. [2.7).

More recently, the GRAPES-3 experiment in India |16], located near the equator and
sharing an overlapping field of view with detectors in both the Northern and Southern
hemispheres, reported the observation of two localized excess regions, labeled A and B,
using a data set of 3.7 x 10? CR events (Fig. [2.8). Region A covers a right ascension range
of 50°-80° and a declination range of —15° to 30°, with an amplitude of (6.5+1.3) x 10~
and a statistical significance of 6.80. Region B extends over right ascensions 110-140°
and declination from —10° to 30°, with a relative intensity of (4.9 +1.4) x 10~* detected
at a significance of 4.70. These features are consistent with the small-scale structures
previously reported by ARGO-YBJ, Milagro, and HAWC.
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Fig. 2.8: Relative intensity map from the GRAPES-3 experiment . A large-scale
deficit is visible while smaller features labelled A and B appear prominently.

2.3 Anisotropy of PeV cosmic rays

In this energy regime, the gyroradius of CRs grows linearly and becomes comparable to
the coherence scale of the Galactic magnetic field and to the characteristic dimensions of
the Galaxy itself. Once this condition is reached, the assumption of isotropized diffusion
breaks down, and cosmic rays begin to retain more directional information on their origin.
The exact energy of this transition is not known, as it depends on both the still uncertain
structure of the Galactic magnetic field and the chemical composition of the primaries,
but theoretical arguments suggest that it is likely to occur in the range between the PeV
and EeV. This makes the PeV domain particularly compelling, since it may coincide with

the energy at which the transition from Galactic to extragalactic origin of CRs happens.

The EAS-TOP experiment [17], located at Campo Imperatore in Gran Sasso, Italy was
the first experiment to report evidence for modulations in the right ascension distribution
of cosmic rays with median energies of 110 TeV and 370 TeV, using a data set of about two
billion air showers collected between 1992 and 1999. The anisotropy was parametrized by
fitting harmonic functions suggesting the presence of large-scale structures beyond what
would be expected from pure statistical fluctuations. These results were intriguing but

remained limited in statistical power and were not independently confirmed at the time.

A more extensive investigation was later performed by the KASCADE experiment and
subsequently by its extended configuration KASCADE-Grande [18]. Together, they did
cover the energy range from a few hundred TeV to beyond 107 eV. KASCADE did not
find evidence for anisotropy, and instead set 95% confidence level upper limits on the
dipole amplitude (Fig. 2.9)). These upper limits are set for energies ranging from ~ 1073
at primary energies of 300 TeV up to ~ 1072 at 6 PeV. The follow-up KASCADE-Grande
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Fig. 2.9: Sidereal anisotropy reported by the KASCADE-GRANDE experiment. Taken
from [18].

analysis extended the search to higher energies, setting limits of 5 x 1073 at 3 PeV and
up to ~ 0.3 at 300 PeV. In a more recent observation in 2019, the KASCADE-Grande
collaboration revisited this question using an improved analysis technique based on the
east—-west method (see next section for details). By studying the sidereal time distribution
of events above 10'° ¢V, they derived the dipole component of the anisotropy and reported
a first harmonic with a significance of 3.5¢, leading to updated upper limits. The measured
phase of the first harmonic was found to be consistent with that reported by EAS-TOP,
IceCube, and IceTop in the 10'4-10'° eV range, confirming the systematic shift in phase
at energies beyond ~ 2 x 10'* eV. IceCube and its surface array IceTop have considerably
advanced this field by observing a similar dipolar structure that extends up to multi-PeV
energies, providing continuity between the TeV and PeV domains as reported in their

latest study.

2.3.1 Anisotropy at ultra-high energies

The Pierre Auger Observatory, with nearly two decades of observations, has provided the
most precise measurements of anisotropy in this regime. A comprehensive analysis of 19
years of data has confirmed the presence of a large-scale dipole anisotropy above ~ 8 EeV,
now detected with a significance of 6.80 [19]. The dipole amplitude is at the level of a
few percent, and its orientation in equatorial coordinates points toward right ascension
~ 100° and declination ~ —24° significantly offset from the Galactic center (Fig. .
This signal has remained stable over time, with no measurable temporal variation and an

upper limit of 0.3% per year.

In addition, Auger extended the search to lower energies, down to 3 x 10'¢ eV and found
a smooth evolution of the equatorial dipole component with energy [20]. Complementary

analyses of the angular power spectrum show that no higher-order multipole components
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beyond the dipole contribute significantly to the anisotropy . When these empirical
results are compared to astrophysical models constrained by the Auger spectrum and
mass-composition data above 6 x 10'7 eV, they strongly suggest that the observed dipole
is linked to the distribution of matter in the nearby extragalactic universe, rather than

being related to Galactic sources or local magnetic effects.

These updated measurements represent a milestone in ultra-high-energy cosmic-ray stud-
ies. While TeV—PeV experiments probe the interplay of Galactic diffusion and nearby
sources, the Auger findings at EeV energies provide the clearest evidence so far that cos-
mic rays above the ankle are extragalactic in origin, tracing the large-scale structure of

the universe itself.

2.4 Analysis methods

The standard approach for studying cosmic-ray anisotropy consists of comparing the data
map, which stores the arrival directions of detected events, to a reference map representing
the expected directional response of the detector to an isotropic cosmic-ray flux. Any
deviation of the data map from the reference map might be regarded as a signal. As
aforementioned, the amplitude of cosmic-ray anisotropy in the TeV-PeV energy range is
of the order of one-per-mille. Sensitivity to such a tiny effect requires large collecting

areas along with a long operation time.

More specifically, the measured flux of cosmic rays is considered as the sum of an isotropic

component and an anisotropic component:

1(a, ) = Lo + Lui(a, B) (2.5)
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where («, () are the right ascension and declination, respectively. Iis, is the isotropic

component and I,;(c, 5) is the anisotropic component. The anisotropy is defined as

I(Oé,6>_jiso _ ](Oé,ﬁ)

1 = =
5 (Oé7 ﬁ) Iiso Iiso

—1 (2.6)

With the data map and the reference map in hand, we can calculate the anisotropy on a
pixel-by-pixel basis:
Ni—(N)i N

M=, T

—1 (2.7)

where N; and (N); are the counts of the ith pixel of the data map and the reference map,

respectively.

The best way to obtain this reference level is injecting an isotropic flux of simulated air
showers into a Monte Carlo model of the detector and then analysing the event distribution
that meets the same trigger conditions as the actual data. This approach is only feasible
for significant anisotropies (exceeding about 10%), since detector simulations often lack
the accuracy necessary to discern minor fluctuations. For anisotropies with amplitudes on
the order of 1073 to 107%, as expected in the TeV-PeV energy range, such a method be-
comes unfeasible owing to the high agreement required between simulation and empirical
data. Consequently, the reference level is directly obtained from the data. The techniques

commonly used are discussed in the following subsections.

The search for anisotropy in the arrival directions of primary cosmic rays observed by
Earth-bound instruments is complicated, mainly due to several inescapable observational
biases. It relies on analyzing the variation of the number of events with the local sidereal
time (or right ascension). However, the counting rates are affected by instrumental and
atmospheric effects, which can be orders of magnitude larger than the expected anisotropy
signal. Before conducting any anisotropy analysis, it is therefore essential to disentangle
the detector and atmospheric effects from the data to eliminate any bias and avoid mis-
interpretation of variations in the cosmic-ray flux. Monte Carlo simulation is inefficient
in the TeV-PeV energy range as it cannot estimate the instrument exposure with the
required precision for reconstructing per-mille-level anisotropies. The only alternative is
to use the experimental data themselves to construct the isotropic reference map. Many
data-driven methods have been developed in this respect, each with its strengths and
limitations. These methods can reveal broad anisotropy features in large samples, even if
the angular resolution is poor. However, their implementation requires the detector to be
as stable as possible and to operate uniformly over time. Among the most widely used are
the time-scrambling method [21], the direct-integration method [22], the East- West method
[23], [24], and the iterative mazimum-likelihood method [25].

49



KM3NeT ARCA Instantaneous FoV (6h)

Equatorial

Fig. 2.11: Instantaneous field of view of the KM3NeT/ARCA detector at a local sidereal
time of 6 hours in equatorial coordinates.

2.4.1 Rayleigh analysis

The field of view (FOV) of Earth-bound detectors is shaped as a cone with a constant
declination (§) and points in different directions as the Earth rotates. An example of
the FOV of KM3NeT/ARCA detector at a fixed LST is shown in Figure The
anisotropy dependence upon declination is not accessible by such instruments. For this
reason, the study of cosmic-ray anisotropy is usually carried out only in right ascension ()
through a harmonic analysis of the counting rate within the declination band determined
by the FOV of the detector [26]. This method can help to estimate the amplitude of the
different harmonics, the corresponding phases (angle of the maximum intensity), and the
probability of detecting a spurious signal due to a fluctuation of an isotropic flux with an
amplitude equal or greater than the observed one. In general, the first harmonic (dipole)
and the second harmonic (quadripole) are derived from data by measuring the counting
rate as a function of the right ascension (or sidereal time) and fitting the results to a sine

wave.

To quantify the anisotropy, the intensity distribution in right ascension I(«) can be ex-

pressed as a Fourier series [27]:

Qo

I(a) = )

o

5+ io: i, cos(ka — ¢y,) (2.8)

k=1

+ 3 (ay coska + by sinka) =
k=1
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where a; and b, are the Fourier coefficients of the harmonic of order k. We have

2 | 12
r, =+/a; + b
ay = T COS Py, k k' Tk

by (2.9)
be = T sin @y, ¢r = tan™! ()
Qg

rr and ¢, are the amplitude and phase of the harmonic of order k, respectively. The
Fourier coefficients a; and b can be deduced from the right ascension oy, as, ..., ay of

N collected events:

9 N
U = o > cos(kay)

) . (2.10)
b = N Z; sin(kay)

The amplitude and phase of the first harmonic (dipole) provide, at first order, the degree
of the large-scale anisotropy. Although the observed anisotropy is not a simple dipole,
measuring the first harmonic allows a quantitative comparison between the results from
different experiments. To account for the non-uniformities in the detector exposure as a
function of time, we usually proceed with weighted harmonic analysis, introducing weights

in the Fourier coefficients. For the first harmonic, we have:

2 N
a:NZwicosai N

) Z;l N=Y w (2.11)
b= —> w;sino; =1

N iz

where w; are the weight factors and A is a normalization factor. The weighted first-
harmonic analysis in right ascension («) is often referred to as Rayleigh analysis. If the
amplitude of the first harmonic is non zero, it is very important to evaluate the chance
that this harmonic arises from a fluctuation of an isotropic distribution. The probability
P to obtain an amplitude equal or larger than r as a result of a fluctuation of an isotropic

flux is given by the well-known Rayleigh formula [26]:

2
P(>7) = exp (—AZ ) (2.12)
The uncertainties of the amplitude and phase of the first harmonic are given by
2 Oy
Tr =\ N Op = — (2.13)

The Rayleigh analysis can be applied to data only when full detection efficiency is achieved.

If the trigger conditions do not reach 100% efficiency, the systematic effects arising from
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the geometry of the detector layout cannot be fully corrected. Therefore, it is more ap-
propriate to combine the Rayleigh analysis with an additional technique, such as the

East-West method, which takes care of correction for non-uniformities.

2.4.2 FEast-West method

Let us assume the presence of a genuine large-scale cosmic-ray anisotropy of dipolar
structure. As the Earth rotates, one-half of the detector FOV will be closer to the dipole
excess region for half a day. Then, the second half of the detector FOV becomes closer
to the dipole excess region during the next half-day. The whole process is repeated every
day. It is evident that the nearer a specific direction to the dipole excess region, the
higher the counting rate from this direction. The difference in the counting rates from the
Eastern and the Western hemispheres is thus subject to an oscillation whose amplitude

and phase are expected to be equivalent to those of the genuine large-scale anisotropy.

The aim of the East-West method is the reconstruction of the equatorial component of a
genuine large-scale anisotropy signal by comparing counting rates of events coming from
the East and West directions [23], [24]. The subtraction removes spurious experimental
effects which are generally independent of the incoming direction. As a consequence,
the method does not require corrections for detector acceptance or atmospheric variation
the approach assumes a symmetrical azimuthal direction efficiency with respect to the
East-West axis. if any asymmetries are present, appropriate corrections must be applied.
This method is less sensitive to anisotropy than the Rayleigh analysis, but the systematic
uncertainties are under better control. It was first applied to analyse air shower obser-
vations at Mt. Norikura [23] and has since been utilised in major experiments such as
Tibet-ASy [28], EAS-TOP [17], Baksan [29], Pierre Auger Observatory [30], [31], and
KASCADE-Grande [1§].

Let Ig(t) and Iw(t) represent the number of events detected from the East and the West
directions at a given LST (local sidereal time) ¢. The key idea of the EW method is that
the difference between these two counting rates is directly related to the first derivative

of the total event rate (Ii) [24]. This relationship is given by the following equation:

dlior  Ie(t) — Iw(t) _ D(t)

dt ot ot

(2.14)

here 0t represent the average hour angle between the vertical and the two sectors. Using
this definition, the corresponding Fourier coefficients for the EW method can be expressed

as:
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2 N 27t;
aEW:ZCOS< T +§i>

N =1 T,

5 N o (2.15)
bEW = ngl sin < ;Sz + fz)

where N denotes the number of total events collected and T; the sidereal period. The
variable takes the value 0 for events arriving from the East (0 < ¢ < ) and 7 for events
arriving from the West (7 < ¢ < 27). The Fourier amplitude, r, and phase, ¢, are then
given by [24]

1
"=V gy + bw

(2.16)
¢ = tan™! bew +Z
aAgw 2

Just as in the Rayleigh analysis, the probability of observing an amplitude greater than

that what would be expected under the assumption of isotropy is given by:

2
P(>r)=exp <_%‘3> (2.17)
with
1 /2 oy
L2 _Ir 2.18
“ otV N Te r ( )

2.4.3 Iterative maximum likelihood method

The iterative maximum-likelihood method was designed to effectively recover the am-
plitude of large-scale features in the anisotropy that are attenuated as a result of the
difference between the instantaneous and integrated FoV [25]|. This issue is inherent to

detectors located in mid-latitude regions such as ARCA (but not exclusively). It was ap-

plied to analyse the data from HAWC, IceCube, and KASCADE-Grande [10], [32], [33].

This method is based on the standard ansatz that the detector exposure £ per solid
angle and sidereal time ¢, accumulated over many sidereal days, can be factorized into a

time-dependent event rate F(t) and a time-independent relative acceptance A(f, p):
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Et, 0, p)=E(t) A0, ¢) (2.19)

E(t) is the angular-integrated exposure per sidereal time:

E(t) = / E(t, 8, ¢)dQ (2.20)

The relative acceptance of the detector, supposed here to be approximately constant over

time, is normalized as

/A(e, £)dQ2 =1 (2.21)

Assuming that the flux of cosmic rays in the TeV-PeV energy range remains constant over
the lifetime of ground-based detectors such as ARCA, the angular distribution of the flux

can be expressed in terms of the equatorial coordinates (a, J) as

d(a, 6) = ¢™° I(a, 6) (2.22)

where ¢ is the angular-averaged isotropic flux and I(a, ¢) is the relative intensity of the

flux. The anisotropy, which is the deviation from isotropy, is defined as

¢(a7 5) — d)iso

- =1—-1=41 2.23
¢1so ( )

Because cosmic rays are continuously and randomly scattered by turbulent magnetic fields
during propagation in the galactic environment, the flux is dominated by the isotropic
term ¢™*°. Hence, |61| < 1.

The expected number of cosmic rays arriving from a direction (6;, ;) within the solid

angle AQ and sidereal time interval At (centered on ¢,) can be expressed as [25]
where

o I, = I(R(t;)n(9;)) is the relative intensity observed in the local angular bin ¢
during At;
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o N, = At¢"°E(t,) is the expected number of isotropic background during At;

o A, = AQA(0;, ¢;) is the relative acceptance in the local angular bin i.

Given the expectations p.;, the likelihood of observing a distribution of n,; events is given

by the product of Poisson probabilities:

LinlT, N, A) = [ e (2.25)

Tt nTi!

Maximizing this likelihood provides estimators for the isotropic background count N, and
for the relative acceptance function A;.
The null hypothesis of no anisotropy corresponds to 19 = 1. In this case, the maximum
likelihood estimators for A; and N are:

N9 =%N"n.; AL = D onri )Y g (2.26)
i T KJ

Allowing for the possibility of anisotropy entails maximizing the likelihood ratio of signal

over null hypothesis
LI N A
~ L(n|IO); NO | AO)

The maximum (I*, N*, A*) of this equation follows the relations:

(2.27)

=Y | AN (2.28)
N =S [ S A (2.29
i J

A=Y [ SN (2.30)

The binned quantity A%, is the relative acceptance seen in the equatorial coordinate

system in pixel a during interval time At centered on t.,. We have

A = AQu A[RT () n(Q)] (2.31)

Relations (2.28)), (2.29), and ([2.30)) represent a set of non-linear equations that cannot be

solved explicitly. However, an iterative approach can be used to find the best-fit solutions
[25]. This iterative maximum likelihood method allows to reconstruct simultaneously

the background count A/, the cosmic-ray intensity I, and the relative acceptance A for
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mid-latitude detectors where the instantaneous field of view changes rapidly.
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Chapter 3

The KMJ3NeT detectors

The Kilometre Cubic Neutrino Telescope (KM3NeT) is a research infrastructure currently
under construction in the deep Mediterranean Sea [1], [2]. This state-of-the-art project is
designed to explore neutrino physics as well as astroparticle phenomena and is distributed
across two distinct sites, each optimized for specific scientific objectives. Both detectors
capture the Cherenkov radiation produced when charged particles travel faster than the
speed of light in water. In order to catch this Cherenkov light, the detector is equipped
with 3-inch Photomultiplier tubes (PMTs) [3].These PMTs are arranged in a grid pattern,
allowing for the precise reconstruction of neutrino events. These sites employ the same

underlying technology but differ in their detector configurations and research goals.

The KM3NeT project foresees the construction of several of these detectors in the depths
of the Mediterranean Sea along the southern coasts of Europe: KM3NeT-Fr (offshore
Toulon, France) houses the ORCA (Oscillation Research with Cosmics in the Abyss) de-
tector, and KM3NeT-It (offshore Portopalo di Capo Passero, Sicily, Italy) houses the
ARCA (Astroparticle Research with Cosmics in the Abyss) detector. Both detectors
are collecting data. KM3NeT-Gr (offshore Pylos, Peloponnese, Greece) will expand the
KM3NeT Research Infrastructure in a next phase. The KM3NeT project continues the
work done by the ANTARES neutrino telescope, which operated off the coast of France
between 2008 and 2022. The oversight, governance and management of the implementa-
tion and operation of KM3NeT is conducted by an international collaboration with more
than 68 institutions from 21 countries all over the world being involved. The KM3NeT
community consists of about 360 scientists, along with engineers and technicians (Fig. .
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Potchefstroom

)
P

South Africa

Fig. 3.1: Map showing the locations of KM3NeT collaboration institutes. Full members
are indicated in bright orange whereas associated members are shown in lighter shade.
The KM3NeT detectors sites are shown in yellow. Taken from the KM3NeT website
https://www.km3net.org/

3.1 KM3NeT/ORCA

The ORCA (Oscillation Research with Cosmic in the Abyss) detector is located at a depth
of 2450 meters near Toulon, in southern France. This site features a highly dense instru-
mentation layout within a 0.007 km? volume of water, which is optimized for the precise
measurement of atmospheric neutrino oscillations. ORCA is designed to study neutrinos
with energies ranging from 3 to 100 GeV. The primary goal of this detector is determining
the neutrino mass ordering. Moreover, ORCA explores various phenomena beyond the
Standard Model, such as non-standard neutrino interactions, Lorentz invariance violation,

tau neutrino appearance, sterile neutrinos, decoherence, and invisible neutrino decay .

3.2 KM3NeT/ARCA

Off the coast of Sicily, Italy, is the ARCA(Astroparticle Research with Cosmics in the
Abyss) detector, which is located at a depth of 3500 meters close Capo Passero. ARCA
has a lower density instrumentation but spans over a larger volume. The configuration of
this detector is optimized to stufdy neutrinos originating from astrophysical sources with
energies in the TeV-PeV range [5]. The main goal of ARCA is to search for the sources of
these high-energy neutrinos, such as AGNs, GRBs
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Fig. 3.2: Schematic illustration of Cherenkov radiation. Taken from |[7].

3.3 Working principle

3.3.1 Cherenkov light

Water Cherenkov detectors, such as KM3NeT, detect neutrinos by measuring the Cherenkov
radiation [6] emitted by charged secondary particles produced in neutrino interactions.
This radiation occurs when the particle’s velocity v exceeds the speed of light in the
medium. The light velocity in a medium is given by ¢/n, where ¢ represents the speed of
light and n is the refractive index of the medium. The Cherenkov radiation occurs when
the velocity a charged particle is greater than the speed of light in the medium. The
interference of electromagnetic waves leads to the formation of a cone shaped wavefront

which is characteristic of Cherenkov light. The angle of the cone 6 is given by

1
cosf = —

Bn
where (5 = v/c) . This process is illustrated in Fig. for a highly relativistic particle
(6 ~ 1). For instance, a relativistic muon travelling through ice with n ~ 1.35 would
produce a light cone with an opening angle of approximately 42°. Particle detectors that
capture the Cherenkov light emitted by relativistic charged particles can be constructed
by placing light sensors in a medium that is both optically transparent and dark, such as

ice or water.

3.3.2 Neutrino interaction with matter

Neutrino interactions occur via the exchange of heavy bosons (Fig. [3.3). In charged-
current (CC) interactions, a neutrino exchanges a W+ boson and is converted into its

corresponding charged lepton, for example

v+ N — T+ X.
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Ve e V. 1j
Fig. 3.3: Feynman digrams of a neutrino-electron scattering. Taken from .

In neutral-current (NC) interactions, a neutrino exchanges a Z° boson and remains a

neutrino of the same flavor, e.g.
vy + N — vy + X.

CC events produce charged leptons that can be directly observed in the detector, whereas
NC events only leave hadronic showers, with part of the energy carried away by the

outgoing neutrino.

3.4 Photomultiplier tube

A photomultiplier tube (PMT) is a device that converts photons into electrical signals
(Fig. . When a photon hit the photocathode, it releases an electron via the photo-
electric effect. The probability of this process depends on the quantum efficiency. These
electrons are then multiplied through a series of dynodes until they reach the anode, where
each collision releases more electrons, the signal is then amplified by a factor of 3 x106.

An electrical pulse is then produced by a photon.

PHOTOCATHODE FOCUSING ELECTRODES STEM
INCIDENT || [
LIGHT o \
-] . . - = p)
. 1\ [z —2—2,—2 3 | . :
INPUT 40 RN AN AN
WINDOW \ ﬁ=
L.
ELECTRON MULTIPLIER ANODE
PHOTOELECTRON (DYNODES)

Fig. 3.4: Schematic illustration of a PMT. Taken from [@I]
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Fig. 3.5: KM3NeT digital optical module. (a) fully assembled DOM. (b) DOM with the
upper hemisphere removed showing the internal arrangement of PMTs. Taken from .

3.5 Digital optical modules

KM3NeT detectors contain an array of thousands of optical sensors designed to capture
the Cherenkov light of charged particles as they propagate through sea water. These sen-
sors are housed in pressure resistant glass spheres called Digital Optical Modules (DOMs),
each with a diameter of 42 cm, capable of withstanding the extreme pressures at the depths
where the detectors are deployed in the Mediterranean Sea . Each DOM is equipped
with 31 3-inch PMTs (Fig. |3.5)), which provide a 47 signal coverage. PMTs are highly
sensitive sensors that can detect single photons with nanosecond precision, making them
critical for capturing the faint Cherenkov light produced by neutrino interactions. Beyond
their primary light detection capability, these DOMs incorporate additional instrumenta-
tion, such as piezoelectric sensors for precise acoustic positioning, a tiltmeter/compass to
monitor orientation, and a light emitting diode for accurate time and energy calibration.
Other integrated electronics, including a Central Logic Board which manages data ac-
quisition, synchronizes timing via the White Rabbit protocol, and transmits raw photon

arrival times and pulse-width data to shore for analysis [11].

Calibration systems such as acoustic sensors and LED nanobeacons ensure module posi-
tioning and timing accuracy, critical for reconstructing neutrino trajectories with angular
resolutions as sharp as 0.05°. Scalable and mass produced, over 6,000 DOMs, will form

KM3NeT’s underwater arrays.
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Fig. 3.6: Detailed visualization of a KM3NeT detector array showing vertical strings
with optical modules. Highlighting a close up of the DOM. Adapted from the KM3NeT
website:https://www.km3net.org/

3.6 Detector layout

The DOMs are arranged along vertical, flexible string-like structures known as Detection
Units (DUs) (Fig. 3.6). Each DU comprises 18 DOMs, organized along two parallel,
slender ropes. These units are anchored to the sea floor with weights and maintained in
an upright position by the buoyancy of the DOMs, complemented by a submerged buoy at
the top. This configuration ensures stability and precise positioning of the DOMs, which

is crucial for accurate data collection, even in the presence of strong underwater currents.

The DOMs of ORCA are positioned 9 m apart in a vertical orientation, along with DUs
that are separated by 20 m horizontally. During its final stage, it will be composed of
a cylindrical structure with a radius of around 100 m and a height of roughly 115 m,
leading to an instrumented volume of about 7 million metric tons. In contrast, ARCA’s
final configuration consists of 2 building blocks, each containing 115 DUs spaced 90 m
apart horizontally. The spacing between DOMs in ARCA is 36 m creating a cubic kilo-
meter crucial for neutrinos detectors given the small cross sections and the flux of cosmic
neutrinos. A comparison between the size of ORCA and ARCA detectors is shown in the
Figure[3.7] Each detector connects to the shore via one or more main electro-optical cables
(MEOC) that contain a power conductor and a bundle of optical fibres for transmitting

high bandwidth data over distances of approximately 100 kilometers.
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Fig. 3.7: Schematic overview of KM3NeT detectors. The building blocks of ARCA are
cylindrical with a radius of 500 m. For ORCA the building block has a radius of 100 m.
Adapted From the KM3NeT website: https://www.km3net.org/

3.7 PMT’s characteristics

3.7.1 Quantum efficiency

Quantum efficiency (QE) is referred to as the average number of photoelectrons pro-
duced when photons hit the photosensitive plate (photocathode) divided by the number
of incident photons. The QE depends on the wavelength of the incoming photons [3].
The efficiency of KM3NeT PMTs is shown in Fig. [3.8f The PMTs have a relatively low
nominal gain of 3.10° to minimize aging effects during their 15 year projected lifetime .
Operational gain is adjusted by tuning the High Voltage of each PMT, ensuring optimal

quantum efficiency both in the laboratory and during telescope operation.

3.7.2 Transit time

When a photon interacts with the photocathode of a PMT, it induces the emission of an
electron through the photoelectric effect. Subsequently, this initial electron is accelerated
towards the dynodes within the PMT by an electromagnetic field, triggering the release
of more electrons through a chain reaction [12]. Hamamatsu PMTs are equipped with ten
dynodes each with increasing electric potential in order to amplify the signal through a
cascade of electrons. The interactions between the electrons and the dynodes lead to the
amplification of the original signal by more than 10° times, significantly boosting the sig-

nal intensity. The amplified electron cascade reaches the anode of the PMT producing an
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electrical pulse presented in Fig. [3.9] if the pulse’s magnitude exceeds a predefined thresh-
old. This threshold ensure that only signals with specific strength are captured helping
to distinguish real signal from background. The interval from when the initial photon
strikes the photocathode to the secondary electrons arriving at the anode is referred to
as the the transit time and its value is 30 ns . This nanosecond time measurement
accuracy captures the time structure of photon flux accurately without distortion in the

seawater.
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Fig. 3.9: Transit time distribution of PMTs in KM3NeT. Taken from .
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Fig. 3.10: Recorded pulse in a PMT. Adapted from

3.7.3 Time over threshold (ToT)

The ToT measures the duration for which the pulse remains above the threshold level
(Fig. [3.10). This duration, or time over threshold, correlates with the amount of charge
collected, which can be related to the number of incident photons or the energy of the
detected event. Information from PMT photon measurements is encoded with arrival
time and pulse width using the ToT technique, which reduces the required bandwidth

while providing sufficient data for signal analysis .

3.8 Optical background

The various origins of background for the KM3NeT detectors are outlined in the following

section, as the generation of light underwater is not solely due to neutrino interactions.
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3.8.1 Bioluminescence

Certain marine organisms produce lights via a chemical reaction within their bodies. This
phenomena is known as bioluminescence . This is common in deep seas and involves a
variety of organisms such as algae, jellyfish, worms, sea stars... Bioluminescence presents
a significant optical background for deep sea water Cherenkov detectors detectors. To
address noise background, a high rate veto mechanism is employed. This mechanism is
triggered if the hit rate in a PMT exceeds a predetermined threshold of 20 kHz. When the
HRYV is activated, any data recorded on the affected PMT is discarded until the hit rate
falls below the threshold again. This prevents bioluminescent signals, which can be much
more intense than the desired neutrino interactions, from contaminating the data. The
veto remains in effect until the PMT’s count rate decreases below the 20 kHz threshold.
This ensures that the data stream sent to shore is free from these intense bioluminescent

bursts and clean for the detection of neutrino interactions.

3.8.2 K radioactive decay

One of the main sources of background light in KM3NeT detectors is the natural radioac-
tivity of the potassium-40 (*°K) which is present in seawater. The “°K isotope mostly
decays into calcium-40 (“°Ca) releasing an electron and antineutrino. The produced elec-
tron has a maximum energy of 1.31 MeV. At these energies the electron emits Cherenkov
light which is capable of triggering the detector. Specifically, a constant background of
Cherenkov photons in every photomultiplier tube (PMT) is produced. While it’s “noise”
for physics analyses, it’s actually very useful in terms of calibrating the response of the
PMTs. A typical rate of about 6 — 8 kHz (including the dark count rate) of hits per PMT

is observed.

3.9 Atmospheric muons in KM3NeT

In KM3NeT, the majority of detected events are atmospheric muons produced in extensive
air showers following the interaction of CRs with the atmosphere. While these muons
constitute an irreducible background for neutrinos astronomy, they also present a valuable
tool to study cosmic ray flux and for testing hadronic interaction models. Fig.
presents the atmospheric muon flux observed in KM3NeT/ ARCA detector with its 6

DU’s configuration at energies above the TeV range.
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Fig. 3.11: Comparison of the simulated atmospheric muon flux with data from 6 DUs of
ARCA. Top plot shows the event rates and bottom plot the data simulation ratio. The
simulated flux underestimates the atmospheric muon flux. Taken from .

3.10 Calibration

Accurate reconstruction of neutrino events relies on the precise determination of the posi-
tion and orientation of the optical modules, which are responsible for detecting Cherenkov
radiation. Due to the movement of the detector elements caused by deep-sea currents,
continuous tracking of their positions and orientations is necessary. The positions of
the optical modules are determined using a network of acoustic emitters and receivers,
while their orientations are measured using compasses embedded within each module. To
achieve the target angular resolution of 0.05 degrees for the KM3NeT /ARCA telescope,
the positions of the optical modules must be determined with a resolution of 20 cm. Fur-
thermore, the orientations of the modules must be resolved with an accuracy of around
3 degrees and a PMT time offset of 1 ns to ensure the quality of event reconstruction re-
mains uncompromised . The detection unit is anchored to the seafloor and stabilized
by buoys. The tilt angles, defined as the angles between the detection unit and a vertical
reference string, quantifies DU deviation caused by sea currents (Fig. [3.12)). The latter
are dynamically calibrated every 10 minutes using acoustic data to model DU curvature
caused by sea currents. The absolute pointing of the detector is derived by obtaining the
absolute positions ot the DOMs, using the absolute position of each acoustic emitter and

the latter are established after sea operations.
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o Intra-PMT
If the PMTs are perfectly calibrated, the rate of coincidences from “°K should be
maximized. At this calibration level, the *°K is used to synchronize the PMTs within
each DOM.

e Inter-DOM
At this level, the calibration relies on the relative time between DOMs within the
same DU, which is called inter-DOM. To begin, a laser is used to illuminate two ref-
erence PMTs in each DOM in a dark environment, allowing for a first estimate. The
use of atmospheric muon tracks and optical beacons, more especially nanobeacons,

allows for in-situ confirmation.

e Inter-DU
Inter-DU calibration guarantees that all detection units in the KM3NeT array are
time-synchronized. Before deployment, laboratory and infrastructure experiments
are conducted to determine the initial deviations. The timing is cross-checked in

situ using atmospheric muons and light from laser beacons.

Another method to calibrate the detector make use of the Sun and Moon shadows. As
cosmic rays propagate towards Earth, some of them are blocked by the Moon or the Sun,
producing a small but measurable deficit in the muon flux (Fig. . This can be used
in order to verify the absolute pointing of the detector. Details of the analysis can be

found here )
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3.11 Event topology

Different kinds of particles interacting inside the detector produce various event signatures,

which represent the particle’s physical properties and interaction mechanisms (Fig. [3.14)).

3.11.1 Track-like events

Track-like events are caused by muons travelling across the detector’s sensitive volume.
Among them, the most significant for neutrino investigations are muon tracks originat-
ing from charged-current (CC) interactions of muon neutrinos and antineutrinos. These
events may be reconstructed with great angular accuracy because of the longer muon path
through the detector and the significant Cherenkov radiation released, which is detected
by a large number of PMTs. However, energy reconstruction is significantly less precise
since the complete energy of the entering particle is not always deposited inside the in-
strumented volume. In addition to neutrino induced muons, atmospheric muons leave
track-like signatures in the KM3NeT telescopes. The fundamental goal of this thesis is
to characterise and analyse these atmospheric muon directions. The first and last panels

in Fig. [3.14] provide examples of track-like event topologies.
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Fig. 3.14: Topologies of the events detected in KM3NeT detectors.

3.11.2 Shower-like events

Shower-like (cascade-like) events primarily arise from neutral-current (NC) interactions
of neutrinos across all three flavours, in addition to charged-current (CC) interactions
involving electron neutrinos. In both interaction types, the resulting hadronic cascade
produces an electromagnetic shower that emits Cherenkov light, which is detectable by
PMTs. These events facilitate precise energy reconstruction, as the energy deposition gen-
erally remains entirely contained within the detector’s instrumented volume. Nonetheless,
the directional reconstruction exhibits lower precision in comparison to track-like events,

as the emitted light typically activates only adjacent digital optical modules (DOMs).

A specific category of events emerges from the charged-current interactions of high-energy
tau neutrinos (PeV scale) with matter, leading to a distinctive double-cascade (or double-
bang) signature . The initial CC interaction results in the production of a tau lepton
and a corresponding hadronic cascade. The tau lepton propagates a measurable distance
through water, approximately 50 meters for a 1 PeV tau lepton prior to decaying into
a second cascade. When the distance between the two cascades is sufficiently large,
the detector can distinguish them as two separate light emission regions, facilitating the

identification of a double-bang event.
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3.12 Data Acquisition

The KM3NeT experiment employs an advanced Data Acquisition (DAQ) system based
on the “all-data-to-shore” concept. In this approach, the filtering and selection of physics
events occur in real time using software onshore. The detection of a photon by a PMT
generates an L0 hit, which includes the signal crossing time and the time over threshold
(ToT) that quantifies the signal amplitude. When at least two L0 hits occur within a
time window of 25 ns on the same DOM, an L1 hit is formed. The coincidence of two L1
hits or more in an opening angle between the PMTs of 180° results in an L2 hit. Data
acquisition is organized into time slices and summary slices recorded every 100 ms. Time
slices capture all hits detected within this interval, while summary slices provide detector
status, including module identifiers, PMT rates, and system health indicators like high-
rate vetoes or synchronization errors. An event is a set of causally related hits generated
when one of the triggers is fired. Multiple trigger algorithms operate concurrently on the
L2 data to identify signatures of neutrino interaction products. These events record all
related hits and include additional snapshots of the detector’s activity before and after

the trigger, enabling detailed analyses of the signals [19].

3.13 Current status of ARCA detector

A very successful sea campaign has taking place in last June at the KM3NeT ARCA
site. Throughout the operation, 18 new detection units were deployed alongside a new
acoustic long baseline positioning system. ARCA has been expanded to incorporate 51
deployed detection units, which are linked to the shore via a network consisting of two

long-distance electro-optical cables and five submarine junction boxes.

3.14 Very high energy event

On the 12th February 2023, a total of 3672 photomultiplier tubes (about 30%) were
triggered in the ARCA detector then, operating in its 21 DUs configuration [20]. This
corresponds to the highest energy event ever observed. The estimated energy of 120 PeV
corresponds to a muon produced by the interaction of a muon neutrino near the detector,
leaving a clear track signature as it traversed its vicinity. The energy of the parent

neutrino is estimated to have a median energy about 220 PeV in 90% confidence interval
of 72 PeV — 2.6 EeV.

73



Muon energy T T
5000 ~PMT
10PeV 1,000PeV [ N!rig = 3672
[ 100PeV ——— KM3-2302134 i E, = 120.%1010 PeV
e 4000}
» 015 ‘ N D e ——
I £ 2anaf
g )L £,23000f
£ . i
S L9 i 68% CL
2 0.05 i i 2000_ [ Stat. only
g H ) [ Stat. + syst.
b 1 ]
. A : i 00> ]
2,000 6,000 3456 10 20 30 100 200
Number of triggered PMTs Ep [Pe\”
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Fig. 3.16: Artistic representation of the very high energy event detected by ARCA.
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Chapter 4

Simulation

This chapter introduces common tools to generate atmospheric muons at sea level and to

propagate them through seawater, and the software employed in KM3NeT simulations.

4.1 CORSIKA

CORSIKA (COsmic Ray Simulations for KAscade) [1] is an advanced Monte Carlo sim-
ulation program originally developed for the KASCADE experiment in Karlsruhe. Its
purpose is to study extensive air showers (EAS) generated by high-energy CRs. The pro-
gram provides a detailed physics-based simulation of the development of particle cascades
in the Earth’s atmosphere tracking the process from the first interaction of primaries

(protons, nuclei, and photons) to the produced secondary particles reaching ground level.

CORSIKA has become a standard tool in the cosmic-ray community, widely used by ex-
periments covering the full energy spectrum, from Cherenkov telescope arrays operating
at TeV energies to ultra-high-energy cosmic ray observatories above EeV scales. The de-
sign philosophy extends past merely delivering precise mean values of key observables,
including particle multiplicities and spatial distributions. CORSIKA effectively captures
the intrinsic fluctuations in the development of extensive air showers, making it an in-
dispensable tool for both the interpretation of experimental data and the optimization of
detector design. CORSIKA can simulate showers initiated by a wide range of primaries,
including photons, protons, light and heavy nuclei up to iron (A = 56), and other parti-
cles. The primary energy can be fixed or sampled from a specified energy spectrum with
a given spectral index to simulate realistic flux conditions. The zenith and azimuth of the
events which constitute their arrival direction can also be fixed or randomly sampled to

simulate an isotropic flux.
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The code tracks over 50 different types of particles through the atmosphere, accounting
for several key processes, such as the ionization energy loss, which is described by the
standard Bethe-Bloch formula for charged particles, the multiple Coulomb scattering and
the deflection in magnetic fields. Hadronic interactions at high energies in CORSIKA
are simulated using different models, namely, EPOS-LHC [2], SIBYLL 2.3d [3], QGSJEt-
11.04 [4] and DPMJET III [5], whereas low energy hadronic interactions, i.e., less than 80
GeV, are simulated using the URQMD model [6]. This refers to the classic Fortran-based
version of the program, CORSIKA 7, which served as the community standard for many
years [7], [8], before the advent of CORSIKA 8 [9).

CORSIKA 8 is not just an update, but a complete rewrite in a modern, modular C**
framework that greatly expands what can be simulated compared to its predecessor.
While CORSIKA 7 was limited to a fixed atmospheric setup, CORSIKA 8 gives users
the flexibility to choose and adapt the atmospheric model and even to follow particle
cascades as they pass from air into other media, such as ice or water. The hadronic
interaction models EPOS-LHC, SIBYLL 2.3D, and QGSJET-11.04, which were already
present in CORSIKA 7, are also included in CORSIKA 8, but here they are implemented
as modular components. In addition, the older EGS4 has been replaced by the more
advanced PROPOSAL package [10]. These developments not only improve the accuracy
of simulations but also open up entirely new applications, particularly for experiments

that rely on neutrino detection or radio emission studies across different media.

One of the interesting quantities that can be simulated by CORSIKA is the depth of
shower maximum, X,,., defined as the atmospheric depth (in g/cm?) at which the num-
ber of charged particles in the cascade reaches its maximum. CORSIKA samples the
longitudinal profile of all charged particles, N(t) as a function of the atmospheric depth
T (g/cm?). The sampled profile is fitted to an empirical function which is implemented

in the code and given by:

Tmax—T

T — TO ) a<}-bT<|—CT2
Tmax - TO .

N(T) = N ( (4.1)

The fit returns the following parameters: Nyax, 1o, Tmax, @, b, ¢ and the fit quality
(x%/d.o.f).

Another approach is used to describe the longitudinal profile and to extract the value of
Xmax, the Gaisser—Hillas parametrization [11], which is widely used experimentally. The

Gaisser—Hillas parametrization is given by:

Xmax—Xq

X — XO A Xmax - X
N(X) = Niax <Xmax—Xo> exp(/\> ) (4.2)
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Fig. 4.1: Comparison of average longitudinal shower profiles for electrons/positrons (left)
and muons (right) from vertical proton-induced air showers at a primary energy of 107 eV.
Results from CORSIKA 8 (solid lines) and CORSIKA 7 (dotted lines) are shown. The
lower panels display the ratio of CORSIKA 8 to the mean prediction of CORSIKA 7,
illustrating agreement at the ~ 10% level across models. Taken from ﬂ?ﬂ

Here the free parameters are typically Npax, Xo, Xmax and A. The fitted X, from this
function is the standard definition used by fluorescence detectors and many hybrid exper-
iments because it maps directly onto the energy-deposit signal used in these experiments.
In CORSIKA 8, the longitudinal profile is likewise produced and the user fits the lon-
gitudinal profile externally, for instance by applying the Gaisser-Hillas parametrization.
A direct comparison of the performance of CORSIKA7 and CORSIKAS in extracting
longitudinal shower profiles is shown in Fig. [£.1]

4.2 PROPOSAL

PROPOSAL (Propagator with Optimal Precision and Optimized Speed for All Leptons) is
a Monte Carlo simulation tool designed to model the propagation of high-energy leptons
through matter and now supports other particles like photons and even hypothetical
particles such as supersymmetric sleptons. The program was created to accurately and
efficiently simulate the propagation of muons and taus, which are crucial particles in
large-volume detectors. PROPOSAL has evolved into modular software library accessible
in both C++ and Python formats. A major design principle behind PROPOSAL is to
strike a careful balance between physical realism and computational speed, a necessity
in large experiments like IceCube and KM3NeT, where vast amounts of data must be
simulated over volumes as large as a cubic kilometer. To meet this challenge, the software
includes advanced models for the main energy loss processes (ionization, bremsstrahlung,
pair production, and photonuclearinteractions), along with important corrections such as
the Landau-Pomeranchuk-Migdal (LPM) effect [12], and multiple scattering based
on both Moliére theory and Highland’s approximation [15].
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Fig. 4.2: Energy dependence of muon interaction cross sections in seawater. The contri-
butions from bremsstrahlung, pair production, ionization, and photonuclear interactions
are shown as a function of muon energy.

The average energy loss of a muon with energy E can be expressed as:

_ <Cf£> — o(E) + b(E) B, (4.3)

where a(FE) represents the continuous ionization losses and b(E) E accounts for the ra-
diative processes (bremsstrahlung, electron—positron pair production, and photonuclear

interactions). For muons in water, the ionization term is approximately constant with
a(E) ~ 2 MeV cm?/g,
while the radiative term is much smaller at low energies but grows with energy, with
b(E) ~4x107°% cm?/g.

The crossover between these regimes occurs around the critical energy E. ~ 500 GeV,

below which ionization dominates and above which radiative processes dominate.

PROPOSAL is now also implemented in CORSIKA 8 as a modern electromagnetic shower
module, replacing the older EGS4 routines and allowing for more detailed step-by-step
shower development. Fig. [4.2)and [4.3]show the performance of PROPOSAL in modelling

the different interactions occurring when a muon propagates through sea water.
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Fig. 4.3: Average energy loss of muons in seawater as a function of their energy, computed
with PROPOSAL. Contributions from individual processes are shown: bremsstrahlung
(blue), electron—positron pair production (orange), ionization (green), and photonuclear
interactions (red). The thick black line indicates the the sum of all processes.

4.3 Event generation in KM3NeT

In KM3NeT, neutrino interactions are generated within a generation volume surrounding
the detector. The light from these interactions is simulated inside a region called the
can, shown in Fig.[4.4] The can is defined as a cylinder around the instrumented volume,
extended by about four light absorption lengths in water, so that any photons capable of
reaching the detector are included. For ARCAZ21, the can has a radius of about 600 m,
while for a complete building block it extends to roughly 900 m.

The required size of the generation volume depends on the type of secondary particles

produced:

« For shower-like interactions (e.g. v, CC, all-flavor NC), the light is confined near

the interaction point, so the generation volume coincides with the can.

 For track-like interactions (e.g. v, CC, v, CC), the produced muon or tau can
travel kilometers through water, so the generation volume must extend well beyond
the can to account for such long-range particles. Specifically, the generation volume
in this case is a cylinder made of a layer of sea water and a layer of rock separated by
the sea bed, presented in Figl4.5l Its radius is then extended by the muon maximum
range in water and the rock layer has a height of the maximum of the muon range

in that medium [16].
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Fig. 4.5: Schematic view of the generation volume for track-like events. Taken from .
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4.3.1 Atmospheric muon generation

A realistic way to simulate atmospheric muons generated in cosmic-ray air showers is to
use a full air-shower code such as CORSIKA. However, this approach is extremely time
consuming and computationally expensive, especially for cubic-kilometer detectors like
KM3NeT, where an enormous number of atmospheric muons must be generated. For this
reason, the MUPAGE package [17] is used as a fast and efficient alternative that still

preserves the essential physical realism.

MUPAGE is capable of generating both single atmospheric muons and muon bundles,
which are an important component of the background in deep-sea neutrino telescopes.
It relies on parametric models derived from detailed Monte Carlo simulations of cosmic-
ray showers and constrained by underground and underwater experimental data. These
parameterizations describe the muon flux as a function the zenith angle, the detector
depth, the multiplicity of muons in a bundle, and the radial distance of each muon from

the bundle axis.

In practice, atmospheric muons in KM3NeT are generated at the edge of the can volume,
where the kinematic properties of each muon are sampled from the parametric formu-
las and their arrival times are assigned consistently. To save the computational time,
an energy threshold to the generated bundles in current KM3NeT simulations is set at
100 GeV, ensuring that the majority of detectable muons are included. For full KM3NeT
detector studies focusing on high-energy neutrino searches, higher thresholds of 10 TeV
and 50 TeV are applied.

At the same time, work is ongoing in the collaboration to make the simulations even more
realisticc. MUPAGE is currently being tuned against CORSIKA simulations in KM3NeT.
The idea is to adjust the MUPAGE parametrisations so that they reproduce as closely as

possible the CORSIKA predictions for the muon flux. Fig. [4.6|and [4.7] show the outcome
of this tuning.
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4.3.2 Neutrino generation

Neutrino interactions in KM3NeT are simulated using the gSeaGen framework [16]. The
simulation covers all neutrino flavours and interaction channels over a wide energy range,
from 10% to 10® GeV, and includes the propagation of charged leptons to the can sur-
face. The main interaction processes considered are quasi-elastic scattering, resonant
interactions, and deep inelastic scattering, with the latter dominating at these energies.
To realistically account for absorption effects, the transmission probability of neutrinos
through the Earth is computed using the PREM density model, which describes the vari-
ation of the Earth’s internal structure with depth. Neutrino events are initially generated
with a simple power-law spectrum (E~!%) to ensure good statistical coverage across the
full energy range, and are reweighed to match physical flux models. The weighting incor-
porates the chosen flux parameterisation, the interaction cross section, the Earth trans-
mission probability, and the appropriate normalisation constants. For the atmospheric
neutrino background, two components are considered: the conventional flux, originating
from pion and kaon decays and modeled with the Honda et al. (2006) [19] parameteri-
sation, which dominates up to tens of TeV; and the prompt flux, produced in the decay
of charmed hadrons, modeled following Enberg et al. [20], which becomes increasingly
important at higher energies due to its harder spectrum. Both components are further
corrected to reflect the steepening of the primary cosmic ray spectrum at the so-called

knee, as described by the H3a composition model.

4.3.3 Light generation

In the KM3NeT simulation chain, the program JSirene, which is part of the JPP software
framework [21] is responsible for propagating charged particles inside the can volume
and for simulating the production of Cherenkov light in seawater. It accounts for the
continuous energy loss of muons along their tracks, including light from minimum ionising
particles, d-rays, and stochastic processes such as bremsstrahlung. Electrons and positrons
are treated through bremsstrahlung and pair production, both of which are modeled as
electromagnetic showers. Hadronic showers are approximated in the same way, since in
water their light production is sufficiently similar to that of electromagnetic showers. Tau
leptons are simulated as minimum ionising particles producing d-rays along their path.
Instead of tracking every single photon individually, which would be far too slow, JSirene
uses precomputed probability density functions (PDFs) of photon arrival times. These
PDFs depend on the energy of the primary particle, the distance between the particle
trajectory and a PMT, and the angle under which photons reach the PMT.
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To describe photon transmission in water, JSirene includes absorption and dispersion,
and it approximates scattering by considering only single scattering, for which an analytic
treatment is available. The simulated light yield is then combined with the response of the
KM3NeT photomultipliers. They also include the response of the photomultiplier tubes
(PMTs), such as their angular acceptance and quantum efficiency, to produce realistic

distributions of detected photo-electrons.

4.4 Detector response

4.4.1 Trigger level

Following the light generating step with JSirene, the simulation proceeds with the soft-
ware JTriggerEfficiency. This software is responsible for converting the idealised pho-
ton information into a realistic detector signal and describes the KM3NeT detector’s
response to light. JTriggerEfficiency first converts the photons into detected photo-
electrons, taking into account the quantum efficiency and angular acceptance of each
PMT. It then simulates the internal PMT response and the readout electronics. In par-
ticular, the detection times of photo-electrons are not exact but are sampled from the
measured transit-time spread distributions of the KM3NeT PMTs, which introduce a
natural timing uncertainty. In addition, the program includes the contribution of random
optical background present in the deep sea. This background is dominated by the radioac-
tive decay of “°K in seawater, which produces photons detected as single coincidences at

an average rate of about 7 kHz per PMT, as well as contributions from bioluminescence.

Two categories of simulation are usually performed: one assumes nominal detector condi-
tions with standard PMT parameters and a fixed background rate, while the other follows
a run-by-run approach, in which the measured background rates and calibration constants
for each PMT during real data taking are reproduced. The software also models the charge
response of the PMTs; i.e., how the observed charge relates to the number of detected
photons, which may vary slightly for each sensor. The output of JTriggerEfficiency
is a list of hits, each containing the PMT identifier, the time, and the charge, in exactly
the same data format as used for the events collected from the sea. At this stage, the

simulated events are indistinguishable from real raw data.

The final step in this stage of the chain is the application of the detector trigger conditions.
The trigger algorithms search for characteristic hit patterns, such as coincidences across
different PMTs in a short time window around the event, referred to as “snapshot” [22].

This time window is set at 3.5 us for ARCA21 configuration. When the conditions are
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Fig. 4.8: Schematic overview of muon triggering. All hits falling inside a cylinder whose
axis is the muon track are taken into account. The Cherenkov light emitted is represented
by dashed lines. Taken from [25].

met, all hits falling in that predefined window are written to disk. Currently, the following
algorithms are use: 3DShower, 3DMuon, MXShower. For instance in the 3DMuon trigger
algorithm, the trigger condition states that at least 5 causally correlated hits fall inside
a cylinder whose axis is the muon track and with a radius of 120 m (Fig. 4.8)). The

Cherenkov condition which describes the correlation of a pair of hits is given by:

(ti —tj)e— (2 — z5) < \/(:16Z — ;)2 + (y; —y;)? tand, (4.4)

where 6. represents the Cherenkov angle and x,y,z denote the position of the PMT. The

remaining trigger algorithms are described in details here [23], [24].

4.4.2 Reconstrustion

The reconstruction step allows to infer the physical parameters of an event (mainly the
energy, vertex and direction) by fitting a model parameter to data. In fact, reconstruction

is applied on both the real data and the MC simulations. In this section, only the track
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reconstruction is highlighted since the primary goal of this thesis is the study of track-like
events produced by atmospheric muons. The shower reconstruction can be found here

[26).

a) Track reconstruction

The track reconstruction is divided into 5 steps known as the reconstruction chain. The
first three steps fit the position and direction of track events within the detector and the

last two estimate the length and energy of the track.

JMuonPrefit

The reconstruction of a muon track involves five independent parameters: two for the
direction and three for the position. Since the relation between the photon arrival
times and these parameters is highly non-linear, the prefit algorithm JMuonPrefit
simplifies the problem by scanning a grid of possible track directions covering the sky.
For each assumed direction, only the muon’s position and reference time are fitted,
effectively reducing the problem to a linear one. The fit is based on minimizing a x?
function that compares the expected and measured photon arrival times, normalized
by the detector’s timing resolution. From this scan, the algorithm keeps the most
promising solutions (around 40 in practice) and passes them to JMuonSimplex, which

then improves the reconstruction with a more detailed likelihood fit.

JMuonSimplex

After JMuonPrefit has generated a collection of potential track solutions, the al-
gorithm JMuonSimplex proceeds to refine them. JMuonSimplex implements a more
precise optimisation process in contrast to the prefit stage, which relies on a simpli-
fied x? minimisation and a coarse directional scan. It achieves this by assessing the
time residuals, which are the difference between the actual particle detection times
and the expected times for a specific muon path. The muon trajectory is more
accurately represented by JMuonSimplex when the track parameters are adjusted

to minimise these residuals.

JMuonGandalf

JMuonGandalf is the central algorithm of the muon track reconstruction chain. It
builds upon the intermediate solutions provided by JMuonSimplex, then performs a
more refined fit. Starting from the candidate tracks, it scans around each hypothesis
and minimizes a y2-like function in terms of both track direction and track position.

The key to this method is the use of semi-analytical arrival time distributions. These
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Fig. 4.9: Schematic overview of a muon track passing near a PMT. Taken from [23].

distributions describe the probability for a PMT to detect photo-electrons at specific
times, depending on its position and orientation relative to the muon track. In
building these distributions, many detectors and medium effects are explicitly taken
into account, i.e, the quantum efficiency of the PMTs, the transit-time spread,
the angular acceptance of the PMTs, and the wavelength-dependent dispersion,
absorption, and scattering of light in seawater. The light sources themselves are

also modeled in detail.

Besides direct Cherenkov photons, the algorithm includes single scattered photons,
photons from electromagnetic and hadronic showers produced along the track, pho-
tons from J-rays, and the general stochastic energy losses of the muon. All these
contributions are combined to define probability density functions (PDFs) for the
photon arrival times. In practice, a PDF represents the probability that the first
detected photo-electron arrives at a given relative time compared to the expected
time of an unscattered Cherenkov photon. The PDF distributions for a muon track
passing a PMT (sketch presented in Fig. 4.9) with an energy of 10 GeV and at a
distance of 50 m for different orientation of the PMT are shown in Fig. With
these PDFs, JMuonGandalf constructs likelihood functions under two competing

hypotheses:

— Hj hypothesis: the hit pattern arises from background noise, such as biolumi-

nescence or radioactive decay (background hypothesis).

— Hy hypothesis: the hit pattern is caused by a muon track (signal hypothesis),

The algorithm then minimizes the negative log-likelihood ratio between these two
hypotheses. Thanks to Wilks’ theorem [27], the logarithm of the likelihood ratio
asymptotically follows a y? distribution, which allows the definition of a statistical
quality measure for the fit. The best-fit track corresponds to the minimum of this

function, i.e. the solution most compatible with the presence of a signal track and
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Fig. 4.10: Number of photo-electrons as function of the difference between the expected
and actual arrival time of muon light using the Cherenkov hypothesis. Taken from [24].

least compatible with the background-only scenario. Finally, JMuonGandalf defines

a quality parameter for the reconstruction,
Q = _X27
which quantifies the reliability of the fitted track [1§].

JMuonStart

The algorithm JMuonStart is responsible for finding the starting point of the recon-
structed muon track. While JMuonGandalf provides the direction and position of
the track as a whole, it does not identify where along that track the muon actually
originated. To do this, JMuonStart uses a back-projection technique: it projects

the detected photon hits back onto the reconstructed track at the Cherenkov angle.

JMuonEnergy

This is the final step of the reconstruction chain where JMuonFEnergy estimates
the energy of the reconstructed track. To perform this estimation, JMuonEnergy
minimizes a likelihood function that depends on the muon energy E. The likelihood
is built from the probability of observing the measured hit pattern in the detector,
using a cylindrical region around the reconstructed muon track. For each PMT
inside this cylinder, the expected number of photon hits p;(E) is calculated. The
number of hits detected by the ¢ th PMT follows a Poisson distribution:

P(n (1)) = B o) (4.5)

where 1;(E) represents the expected number of hits as a function of energy. Based
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on this, two useful probabilities are derived:

— the probability that no hits are observed:
P(n = 0; p(E)) = e,
— the probability that at least one hit is observed:
P(n > 0;4;(E)) =1 — e (B,

The full likelihood L(E) is then built as a product (or sum in log-space) over all
PMTs inside the cylinder, depending on whether hits were observed or not. The
definition of the likelihood in ORCA is different from the one in ARCA, reflecting
their distinct detector geometries and energy ranges: In ORCA, a null M-estimator

is used, giving the likelihood

N
L(E) = =Y I[(1 = 2e7 ) [ g+ e D]
i=1
where I,-o is 1 if at least one hit was observed on the PMT and 0 otherwise.
In ARCA, when the estimator is based on a Lorentzian weighting function, the

performances are improved

leading to

L(F) = :
(E) ; 1+ 1In%[(1 — 2e=HiBE) I,50 + eHilE)]

minimizing the chosen likelihood with respect to energy, JMuonEnergy finds the
value of E that best explains the observed pattern of PMT hits |18§].

4.4.3 Reconstruction performance

Fig. summarizes the performance of the ARCA detector for reconstructing charged-

current (CC) neutrino events. For v, CC track events, the angular resolution improves

with energy, reaching about 0.1° at 100 TeV. This makes v, tracks particularly valuable

for neutrino astronomy, as they enable precise source pointing. In contrast, v, CC shower

events exhibit a poorer angular resolution of about 3-6°, with only a modest improvement

as energy increases. The energy resolution shows the opposite behavior. For track events,

it is relatively poor (~ 50-100%), since a large fraction of the neutrino energy is carried

away by the muon, which only deposits part of its energy in the detector. For shower
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Fig. 4.11: The angular deviation of ARCA (left) and angular resolution (right) for v,
CC tracks and v, CC showers. Taken from .

events, the resolution is much better (~ 10-20%), as nearly all the neutrino energy is
deposited in the hadronic and electromagnetic cascades, allowing a more reliable recon-
struction. The resolution improves at intermediate energies (a few TeV-PeV) and worsens

again at the highest energies due to shower fluctuations and light propagation effects.

For the muon reconstruction performance, well-reconstructed events are defined as those
with cos@ > 0.6. As shown in the Figure for the ARCAG detector, the reconstructed
muon energy does not directly match the true energy at the can surface. This is because
muons lose part of their energy while propagating through seawater between the can
surface and the point where the first Cherenkov light is detected. Therefore, the muon
energy at the can must be corrected.Still a substantial disagreement is observed across

the entire energy range in ARCAG.
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reconstruction (right) for ARCAG detector configuration. Taken from [18].
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Chapter 5

High-energy atmospheric muons

In this chapter, the high-energy atmospheric muons are investigated starting with their
flux and charge ratio at sea level, followed by their propagation through sea water down
to the depth of the ARCA detector. These studies provide an essential reference for
understanding the background conditions at the detector site and form the basis for the

analysis of CR induced signal in the following chapter.

5.1 Muons at sea level

Atmospheric muons, produced by high-energy cosmic rays represent the dominant parti-
cles that trigger deep underwater neutrino detector such as IceCube[l], Baikal-GVDI2],
and KM3NeT. These aforementioned detectors heavily rely on the ability to detect these
muons in order to infer the presence of neutrino interactions occurring beneath the surface
of the water or ice. Due to the critical role that muons play in these detection systems, it
is of utmost importance to acquire a comprehensive understanding of their characteristics
at sea level. A thorough examination of the flux and charge ratio of muons in the sea-level
environment provides us with invaluable insights into the behavior and properties of these
particles, enabling us to accurately interpret the data collected by these detectors. In ad-
dition to their relevance for neutrino detection, muons at sea level serves as tracers for
the primary cosmic ray flux, thus providing valuable information for studies of cosmic-ray
anisotropy at the detector level. In the subsequent section, we will delve into the analysis
of the flux and charge ratio of atmospheric muons with energies exceeding 100 GeV at sea

level.
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5.1.1 Simulation setup

We conducted a series of Monte Carlo simulations of extensive air showers initiated by
cosmic rays of high energy. For this investigation, we primarily employed CORSIKA
version 7.7500 in combination with the post-LHC hadronic interaction models, sibyll,
QGSJET, EPOS. Fine-tuned at energies that are characteristic of colliders, these models
have been carefully adjusted and calibrated to ensure that the results they produce are
in line with the outcomes observed in a wide range of experiments that cover a broad
energy spectrum. This process of validation, which confirms the accuracy and reliability
of these models, establishes them as the leading and most-prominent choice for simulating
and replicating the complex phenomenon of cosmic-ray cascades occurring in the Earth’s

atmosphere.

The characteristics of atmospheric muons are significantly influenced by the primary
cosmic-ray energy spectrum and mass composition. In order to examine this correla-
tion, two realistic models were employed that effectively capture essential elements of
the primary cosmic-ray flux, including distinct features such as the knee and the ankle.
The first model, known as the Gaisser-Stanev-Tilav (GST)[3] phenomenological model,
highlights the presence of three populations of cosmic rays. The first two populations
are attributed to the acceleration by sources within the Milky Way, while the third pop-
ulation is believed to originate from beyond our galaxy. Each of the three components
comprises up to five groups of nuclei (p, He, C, O, Fe), with adjustable spectral indices
and exponential cutoffs at characteristic rigidities. The overall primary energy spectrum

of all particles can be expressed as:

3
o) =3 asye o onf ()] (5.1)
j=1 il
where E represents the primary energy, 7; ; stands for the spectral index, a; ; represents a
normalization constant, Z; denotes the atomic number, and R, ; signifies the rigidity cut-
off. The subscript ¢ spans across the five nuclei groups, and the overall particle spectrum
is derived from the summation of these five components (Fig. [5.1)).

The Global Spline Fit (GSF) is the second model employed in this particular study to
effectively characterize the primary cosmic-ray spectrum [4]. This model, unlike the pre-
vious one, takes a numerical and data-driven approach to accurately parametrize the most
up-to-date measurements of the cosmic-ray flux and its mass composition. To be more
precise, the GSF model utilizes splines to smoothly fit the present cosmic-ray data within
the energy range of 10 GeV to 10 GeV incorporating both direct and indirect observa-

tions and ensuring a comprehensive understanding of the cosmic-ray phenomenon. Similar
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Fig. 5.1: The GST model [3] (left) and the GSF model (right) [2] of the primary cosmic-
ray flux and mass composition. The flux is multiplied by £E?° to highlight the unique
features of the steep spectrum.

to the previous model, we considered the five principal mass groups of the GSF model,

which are proton (p), helium (He), carbon (C), oxygen (O), and iron (Fe) (Fig. |5.1]).

In order to ensure a sufficient pool of statistics across all energy levels, the primary
cosmic-ray particles were injected based on an energy spectrum that follows an E~! shape,
up until the highest energy level was reached. Subsequently, we adjusted the resulting
distributions by reweighing them and ensuring appropriate normalization to align with
the model used for the primary cosmic-ray flux (Figure . The reweighing formula is
given by:

In (B
w(Eprim) = Emaf Ermin ) Eprim gb(Eprim) . (52)
= oy
Emin

where ¢(E) is the differential primary cosmic ray flux, E,in is the energy of the primary

cosmic ray, Eni, and F,, are the minimum and maximum energies of the simulation.

Each individual run consisted of 10° primary cosmic-ray particles with energies ranging
from 10? to 107 GeV. For the purpose of the simulation setup, we carefully evaluated a
hypothetical detector positioned at sea level, with a radius equivalent to the maximum
span of the muon lateral distribution (Fig. [5.3)). The simulated shower cores were redis-
tributed randomly, covering an effective area that had a radius twice as large as that of
the detector. As a result of our calculations, it was observed that approximately 25% of

the simulated muons reach the hypothetical detector.
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Fig. 5.3: Lateral distribution of the muonic component at sea level.
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Fig. 5.4: Energy spectrum of vertical atmospheric muons at sea level for the GST (left)
and GSF(right) models in comparison with CosmoALEPH [5], L3+C [6], Icecube data
[8]. Taken from [9).

5.1.2 Results

Fig. presents a visualization of the energy spectrum of vertical atmospheric muons with
an energy threshold of 100 GeV at sea level. The simulation were performed using the 3
post-LHC hadronic interaction models. The results are in agreement with experimental
data obtained from various experiments such as CosmoALEPH[5], L3+C [6], LVD [7],
and IceCubel8|. Additionally, these simulations also exhibit good agreement with the
analytical parametric model proposed by Gaisser. It is interesting to note that the three
hadronic interaction models yield almost identical intensities of atmospheric muons at sea
level. This observation holds true for both cosmic-ray flux models, GST and GSF.

One key parameter that provides valuable insights into the hadronic interaction and can
aid in determining the mass composition of primary cosmic rays is the muon charge ratio.
This ratio, defined as the ratio of the fluxes of positive to negative muons (N, /N ), plays
a crucial role. It reflects important aspects of the hadronic interaction, particularly the
excess of positively charged pions (77) over negatively charged pions (77) and positively
charged kaons (K™) over negatively charged kaons (K ™) in the forward fragmentation
region of interactions induced by protons. This distinction is due to the positively charged
nature of primary cosmic rays. A discernible increase in the contribution of kaon decays to
the charge ratio of muons can be observed in the TeV energy range [10]. At energies above
10 GeV, where solar and geomagnetic effects have negligible impact, the experimental

value of N j /N ., remains relatively constant, hovering around 1.3 [11].

Fig. [5.5 illustrates the calculated charge ratio of vertical atmospheric muons that exceed

100 GeV at sea level. This ratio is plotted against muon energy and takes into account the
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Fig. 5.5: Charge ratio computed for vertical atmospheric muons at sea level using the
GST (left) and GSF (right) models in comparison with CosmoALEPH [5],OPERA [12],
L3+C [6], CMS [13] and MINOS |[14] data. Taken from [9].

three hadronic interaction models as well as the two cosmic-ray flux models. The results
of this analysis align well with experimental data obtained from experiments such as
CMS, L3+C, CosmoALEPH ; MINOS, and OPERA. However, it is worth noting that the
QGSJETII-04 and EPOS-LHC models tend to underestimate the charge ratio of vertical
muons when compared to the SIBYLL 2.3d model. The latter exhibits greater consistency
with the available data for both the GST and GSF models. The muon energy range is not
fully representative in the latest energy bin due to limitations in statistics at the highest

energies.

Fig. [5.6 presents a comparison between the muon flux and charge ratio of vertical atmo-
spheric muons at sea level obtained from the GST model and those from recent studies
that are comparable. One interesting paper is the work by Fedynitch et al. [15], where the
authors used in their calculations the SIBYLI-2.3c hadronic interaction model (a previous
version of SIBYLL) and the H3a cosmic-ray flux model [26] to compute the flux of at-
mospheric leptons. This computation was conducted using MCEq [16], a numerical code
specifically designed to solve the cascade equations that describe the evolution of cosmic
rays as they traverse through the atmosphere. Another study conducted by Kochanov et
al. [4], focused on calculating the atmospheric muon flux in the energy range of 10 GeV-
10 PeV. In this study, the authors employed the Kimel & Mokhov hadronic interaction
model [17] in conjunction with the parametrisation of the cosmic-ray spectrum proposed
by Zatsepin & Sokolskaya [18]. Additionally, another intriguing study by Fedynitch &
Huber [19] was taken into consideration, which addressed the calculation of the flux and
charge ratio of atmospheric muons using the Data Driven Model (DDM) in association
with the GSF model. It is worth noting that the GSF model is the model employed in
the present study. By analyzing Figure [5.6] it can be observed that the results obtained

from this study exhibit consistency with the outcomes of all the aforementioned studies.
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Fig. 5.6: Comparison the flux (left) and the charge ratio (right) of vertical atmospheric
muons at sea level with recent comparable studies in the case of the GST model. Taken

from ﬂgﬂ .

Furthermore, the flux of atmospheric muons at sea level is estimated across a wide range
of zenith angles based on the GSF and GST cosmic ray spectrums in combination with
the post-LHC hadronic interaction models. In the case of inclined showers, the radius of
the hypothetical detector is taken as Rges = 112.8 km, which corresponds to the average
altitude of the first cosmic-ray interaction in the atmosphere as illustrated in Fig. 5.7

The normalization formula is given by:

1 dN, Ermax R%. Q
E) = e / (B dE | - et 20 )
Onl(Ep) Ny dE, <E Oprim (E) ) R, Q. (5:3)

where 2y and €, represent the solid angles of the primary particle and the produced
muon respectively. Ngp, is the number of simulated showers, N, denotes the number of

simulated muons and E, represent their energies.

Fig. [5.8 represents the flux for muons with zenith angles up to 60°, with IceCube data,
indicated by black triangles and the best-fit spectrum shown as a dashed black line.
The comparison shows a strong dependence on the chosen hadronic interaction model.
SIBYLL 2.3d has the highest agreement with IceCube data, with consistency within a
factor of two in the energy range of 10* to 107 GeV. In contrast, QGSJET II-04 and, in
particular, EPOS-LHC overestimate the muon flux, particularly at higher energies. These
discrepancies are further highlighted in the bottom panel of Fig.[5.8] which shows the ratio
of each model to the IceCube best-fit. This investigation demonstrates the sensitivity of
atmospheric muon flux predictions to the treatment of hadronic interactions in air shower
simulations. It also emphasizes the importance of accurate modelling for interpreting
muon flux measurements. Fig.[5.9]is the outcome when taking into account only zenith

angles from 60 to 80°.
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5.2 Muons underwater

To study the propagation of muons from sea level down to the detector length, the PRO-
POSAL library is used. The propagation was simulated through sea water for a slant

depth of 3500 m. To this purpose, 10* muons were injected randomly at the sea surface.

The PROPOSAL framework assumes that the origin (0,0,0) is at the center of the Earth
and the particle position is defined in a Cartesian 3D-system. In order to place muons
correctly at the boundary of the medium, the injection points were shifted onto a surface
of a sphere with a radius equals to the Earth radius R. For a given zenith angle and

azimuth angle, the injection point was set to:
Tstart = (Rsin(0) cos(¢), Rsin(f) sin(¢), R cos(6)) (5.4)

with the corresponding unit vector:

-

d = (—sin(@) cos(¢), — sin(f) sin(¢), — cos(#)) (5.5)

The starting position along the direction of travel was slightly displaced to ensure that

the particle is not considered outside of the medium.
xst?zrt = xst?zrt +ed (56)

where € = 1 cm. In this case, the effect on the total path length is negligible.

For vertical muons, the slant depth is simply the detector depth D, but for inclined muons,

the slant depth is given by:

L(6) = (6 < 60°) (5.7)

For zenith angles greater than 60°, the Earth’s curvature must be taken into account, the

slant depth is then given by:

L(®) = /(R+ D)> — (Rsin6)® — Rcos, (0> 60°) (5.8)

The survival probability of a muon with an energy Ej and a zenith angle 6 after traversing
a depth D is given by:

Nsurvivors(Fo, 0)
Ninjected (Eo, 0)
Where Ngyrvivors i the number of muons that arrive at ARCA depth and Nipjectea is the

total number of injected muons in each (Fy, ) bin. In these simulations, Nipjectea = 10*.

Psurv(E07 0) = (59)
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Fig. 5.10: Survival probability of 100 TeV muons as function of zenith angle at ARCA
depth of 3500 m.

Fig. [5.10] shows the survival probability of muons with an initial energy of 100 TeV after
propagating them through seawater down to the depth of ARCA detector. The probability
remains close to 1 for nearly vertical trajectories but decreases with increasing zenith
angles. At larger zenith angles (f > 60°) the survival probability reduces since the path
length is longer dropping to almost 0 at zenith = 80°. As it is shown in Fig. [5.11] muons
following such highly inclined trajectories can only reach the detector if their energies at
sea level exceeds 100 TeV. Fig. shows the dependence of the energy loss on the zenith
angle. Near vertical muons retain a significant portion of their initial energy with mean
final energies around 20-26 TeV. At large zenith angles (# > 60°), the mean final energy
decreases sharply indicating the rapid increase in the energy loss as muons traverse longer

paths through the medium.
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Fig. 5.11: Survival probability of muons as function of the initial energy for different
zenith angles after propagation through 3.5 km of seawater.
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Chapter 6

Cosmic-ray anisotropy observed with
the ARCA neutrino telescope

In this chapter, the analysis of cosmic-ray anisotropy using the high-energy atmospheric
muons detected with the ARCA detector is presented. The focus here is on extracting
the large-scale anisotropy pattern. This study demonstrates the potential of the detector

to probe the arrival directions of high energy CRs.

6.1 Introduction

Although the ARCA neutrino telescope is still under construction, its modular architec-
ture has been specifically designed to enable continuous data acquisition during the staged
deployment of its detection units. This important feature makes it possible to begin sci-
entific investigations well before the completion of the full detector array. In this chapter,
the focus is placed on the search for large-scale anisotropy in the arrival directions of pri-
mary cosmic rays, using data collected with ARCA during its initial operational phases,

when only 21 DU’s were deployed.

Since ARCA is situated at a depth of approximately 3500 m in the Mediterranean Sea,
only atmospheric muons with energies exceeding roughly 1 TeV at sea level are able to
penetrate to the detector. These muons are produced in extensive air showers initiated
by primary cosmic rays when interacting with the atmosphere providing indirect access
to the properties of the parent cosmic rays, typically in the TeV to PeV energy range.
Thanks to ARCA’s excellent angular resolution, which is capable of reconstructing the
direction of muons with sub-degree precision, it becomes feasible to probe the angular

distribution of the cosmic ray flux with high accuracy.
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A genuine anisotropy in the arrival directions of cosmic rays should manifest as a variation
in their intensity as a function of sidereal time, corresponding to a modulation in celes-
tial coordinates. However, detecting such a signal is particularly challenging due to the
presence of various time-dependent systematic effects. For instance, non-uniform expo-
sure of the detector over time, geometric asymmetries, changes in detector livetime, and
variations in atmospheric conditions (such as temperature-induced effects on air shower
development) can all mimic or obscure real anisotropic patterns. The main challenge
in this analysis is to identify and suppress these spurious effects to isolate the true as-
trophysical signal, thus, a careful treatment of the time and directional dependencies is

required.

In our quest to identify large-scale cosmic-ray anisotropy with ARCA21, the East-West
method is used to mitigate the spurious effects related to atmosphere and detector factors.
while this method was originally developed to work without any corrections, the geometry
of ARCA21 introduces a noticeable asymmetry. This asymmetry generates a spurious
anisotropy that must be corrected beforehand. If this correction is not made, we cannot
obtain a reasonable modulation of the true cosmic-ray intensity using the East-West
method.

The first harmonic analysis was performed in three time frames, solar, sidereal and anti-
sidereal. Fach time frame helps us to identify different sources or factors that can af-
fect the distribution of cosmic rays. The sidereal time frame is sensitive to anisotropies
of astrophysical origin,i.e Galactic (or extragalactic) anisotropy. On the other hand,
changes in solar time are in principle attributed to local factors, like the solar wind, di-
urnal atmospheric effects and the geomagnetic field. Any significant variation detected
in anti-sidereal time is more likely due to systematic errors rather than a true cosmic-ray
anisotropy. The statistical significance in this analysis can be evaluated using the Rayleigh
probability, which can be considered as a p-value in a two-tailed test where the critical
Z-score (number of o) can be calculated using the inverse CDF (cumulative distribution

function) of the standard normal distribution (®):

Z=011-p/2) (6.1)

Three energy ranges were considered in this analysis based on the energy threshold of
the track, namely 102, 103, and 10* GeV. The maximum track energy was set at 10° GeV

from the onset during data selection (first-level cuts).
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6.2 Dataset

6.2.1 Data selection

The present analysis covers the period from September 2022 (run 13315) to September
2023 (run 17663), when the ARCA neutrino telescope was operating with 21 detection
units (ARCA21). The data of ARCA21 version 9 was examined, which is the first mass
production achieved using the Snakemake data processing workflow. This constitutes a
significant step, as it marks the transition to a more structured and automated approach
to data handling within the collaboration. The runs are selected based on the unique
criterion of being, as much as possible, really good and safe to prevent issues arising from
low quality runs or discrepancies in the database. While standard calibration procedures
correct for instrumental effects such as timing and basic run quality, other factors, such
as variations in sidereal exposure or atmospheric effects (Fig. are not fully accounted
for and require additional attention in anisotropy studies. For this reason, a stringent

data selection was adopted to minimize the impact of such uncorrected systematics.

To process the mass production, the following software versions were used:

Software Version
JPP 18.5.0. (18.5.1 for ARCA21v9.1)
Aanet 2.5.1

MUPAGE 5.2.5

6.2.2 Detector stability

The data acquisition process in ARCA is subject to multiple factor tat may impact both
the quality and reliability of the resulting dataset. These include detector stability, the
operational status of photomultiplier tubes (PMTs), environmental conditions, and vari-
ations in the data acquisition system. Since the study of cosmic-ray anisotropy is par-
ticularly sensitive to such variations due to the small amplitude of the expected signal,
it is essential to ensure a high level of uniformity and stability in detector performance
across both time and the instrumented volume. To this end, a first set of selection criteria
were established, aimed at identifying runs in which ARCA operated under stable and
well-controlled conditions. This preliminary filtering step is crucial to suppress systematic
effects that could mimic or obscure a genuine anisotropy signal. The data quality from
data-taking runs is evaluated with the JQAQC program, which processes the raw data

and produces a list of values referred to as quality parameters. These include, among
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Fig. 6.1: Atmospheric effect on the muon count.

others, the detector livetime, the number of working PMTs, the mean and RMS of PMT
hit rates, synchronization flags, and the active trigger configuration during the run. These
parameters describe the detector’s behaviour during each run, enabling an efficient evalu-
ation of operational stability. To assess the stability of ARCA21v9, the following quality

parameters were used:
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1. The average number of working PMTs;

2. The average counting rate and its RMS.

The 3o-rule were applied successively to these parameters, with runs lying outside the
interval (—3c0, +30) were considered outliers. Runs that significantly deviate from the
mean values in any of these quality parameters are likely to indicate unusual detector
conditions or environmental disturbances, and are therefore excluded from the dataset.
The outcome of this selection is illustrated in Fig. [6.2] After applying this criterion, the
final sample includes 1946 runs out of 2039, meaning that approximately 95% of the data

satisfy this first level of quality assurance.

To check how stable the detector is over time, Fig. illustrates the average number of
working PMTs, the average counting rate of PMTs, and the RMS variation with sidereal
time. These quantities provide insight into the uniformity of the detector’s response over
time and help to verify that no artificial modulations mimicking an anisotropy signal are

introduced by instrumental effects.
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Pre-cuts

trks[0].id =0 Track-like events
trks[0].rec_ type == 4000 JGandalf
trks[0].rec_stages >= 4 Reconstruction stages
trks[0].E > 0 Track energy
trks[0].lik > 0 Likelihood
trks[0].len > 0 Track length
trks[0].fitinf[0] > O Angular parameter (/3)

Table 6.1: Summary of the pre-cuts applied to the data.

6.2.3 Monte Carlo simulations

Comparison between experimental data and Monte Carlo simulations play a central role
in any analysis. They allow as to test how well the detector and its environment are un-
derstood. In principle, a good agreement between data and Monte Carlo is considered as
a prerequisite for many analysis, since it ensures that the detector response, background
condition and calibration conditions are well understood. The agreement between the
Monte Carlo and data is achieved by applying quality cuts to the data. Monte Carlo sim-
ulations of atmospheric muons is produced on a run-by-run basis. For each data run, the
measured PMT single rates, dominated by the optical background(40% decay, biolumi-
nescence) were used to reproduce the noise conditions, while the actual run duration were
included to match the detector performance as closely as possible. Moreover, the most
accurate detector calibrations (see chapter |4f) were applied to simulate PMTs response,

with PMT efficiencies obtained using the 40% coincidence rates in the data.

The following analysis focuses exclusively on track-like events induced by the atmospheric
muons. To retain only events with sufficient reconstruction quality, a set of pre-cuts were
applied to the data from the first selection round (Table [6.1)). This procedure defines a

starting sample containing events with plausible values for the physical parameters, i.e.:

o a track that passes all the reconstruction stages;
« a positive track energy, a positive likelihood, and a positive track length;

« a positive angular reconstruction parameter (/).

The collected data from ARCA are dominated by events from environmental noise, i.e.
bioluminescence and K-40 radioactivity (Table . These events are characterized by
few hits in the detector and, thus, a reconstructed track with low likelihood. Therefore

anti-noise cuts are set to eliminate these events.
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Anti-noise cuts

trks[0].lik > 50 Likelihood
trks[0].fitinf[3] > 20 Number of hits

Table 6.2: Summary of the anti-noise cuts applied to the data.

After applying the pre-cuts and the anti-noise cuts, the selected data are compared to
Monte Carlo simulation for the most relevant quantities, as shown in Fig. [6.4l It can be
seen that, overall, there is a good agreement between the calculated and the measured
values. To further enhance the quality of data, we applied a last set of cuts, denoted
first-level cuts (Table[6.3). They lead to a final sample of track-like events with:

e a maximum zenith angle of 80° to ensure that only down-going muons are kept;
« a reconstructed track length greater than 100 m;

e a track energy in the range 102-10° GeV to cover the primary cosmic-ray TeV-PeV

energy range.

First-level cuts

trks[0].dir.6 < 80° Down-going muons
10% < trks[0].E < 10° GeV Track energy
trks[0].len > 100 Track length

Table 6.3: Summary of the quality cuts applied to the data.
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Fig. 6.4: Comparison of the selected experimental data to Monte Carlo simulation for
the most relevant quantities after applying all cuts, except the first-level ones.
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The plots of the different measured and calculated quantities after applying all cuts are
shown in Fig. The final sample consists of more than 55 million events, i.e., about
37% of the initial sample (Table . This dataset provides the distribution of cosmic-ray
arrival directions in the northern hemisphere with a good angular resolution covering ap-
proximately one solar year. We must emphasize here that the statistics are not yet enough
to thoroughly investigate a variation in the cosmic-ray flux of about 0.1% across the sky
(see table . Nevertheless, this analysis can pave the way for future investigations,

which will use much more statistics as the ARCA neutrino telescope grows.

Initial sample Pre-cuts Anti-noise cuts First-level cuts
149,632,409 87,217,064 69,828,200 55,624,565
100% 58.3% 46.7% 37.2%

Table 6.4: Number of selected events (and percentage) after each phase of the selection
procedure.
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Fig. 6.5: Comparison of the selected experimental data to Monte Carlo simulation for
the most relevant quantities after applying all cuts, including the first-level ones.
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6.3 Azimuthal asymmetry

Fig. presents the distributions of the true-azimuth angle (reconstructed clockwise
from true North) for the three energy ranges. As shown, these distributions are not
uniform. Specifically, there are less events coming from the East than from the West,
which contradicts the expectations. The primary energies involved here (above TeV)
exclude the possibility of geomagnetic effects. This anomaly is most likely due to the
detector geometrical asymmetry. As the incident muons cross the detector, they encounter
varying numbers of strings, leading to a detection efficiency that changes with the azimuth
angle. This issue may arise from the limited number of detection units in ARCA21

detector and can be improved over time as the detector expands.

In order to correct for this spurious effect, we normalized the azimuthal distribution to
make it uniform. Specifically, we divided the azimuth range (expressed in degrees) into

N = 360 bins and calculated the average number of counts:

1 N
n N;n (6.2)

n; represents the number of tracks in the bin i. Then, we weighted each event with

wr = (") (6.3)
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and after normalization.
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6.4 Sidereal anisotropy

Sidereal time is a timekeeping system based on the rotation of Earth relative to distant
stars, rather than the Sun. Unlike solar time, which relies on the Sun apparent motion
in the sky, sidereal time measures the duration it takes for a specific star to return to
the same position in the sky. One of its key characteristics is that a sidereal day lasts
23 hours, 56 minutes, and 4 seconds, which is about 4 minutes shorter than a solar day
(24 hours). The solar day is longer because Farth moves along its orbit, requiring extra

rotation to align with the Sun again.

The sidereal time is closely tied to right ascension in equatorial coordinates; the right
ascension of an astronomical object corresponds to the local sidereal time (LST) when
the object crosses the local meridian. This time frame is particularly useful for studying

cosmic-ray anisotropy.

In the KM3NeT experiment, the temporal variable recorded for each event is the Unix
timestamp. The Python library Astropy can be used to derive LST from this timestamp
accurately. However, this method was found to be extremely slow. Therefore, we opted

to calculate LST manually using faster, though approximate, formulas.

To calculate the LST of the selected events, we first converted Unix time (¢) to Julian
date (JD):

JD + 2440587.5 (6.4)

86400
86400 is the number of seconds in a day and 2440587.5 is the Julian Date of 1970-01-01
00:00:00 UTC. Next, we computed Julian century (7") since J2000.0 (January 1, 2000,
12:00:00 UTC):

JD — 2451545
T = 6.5
36525 (6.5)
Then, we calculated the Greenwich Mean Sidereal Time (GMST) in degrees:
GMST = 280.46061837 + 360.98564736629 x (JD — 2451545)
T3
+0.000387933 7% — —————  (mod 360) (6.6)

38710000

Finally, we converted GMST to LST by adjusting to ARCA longitude A (in degrees):
LST = GMST + A (mod 360) (6.7)
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Another important quantity in our analysis is the hour angle (HA) of the selected events,
which is defined as
HA =LST — RA

where RA is the right ascension. We calculated the two average values of HA for events
coming from the East and from the West. Then, we calculated the mean hour angle

between the two sectors (6t). The obtained results are given below.

Fiaa (GeV)  >10* >10* > 10*
5t (h) 171 183 193

Table presents the characteristics of the first harmonic in sidereal time, obtained
by using the East-West method with a time bin width of 20 min (corresponding to 5°
of angular aperture) for the three energy ranges. The amplitude values obtained are

consistent with what is expected (~ 1073).

However, the Rayleigh probabilities are high, resulting in low statistical significance (= 20
for the two first energy ranges). This issue stems from the size of our dataset, which is not
yet large enough. By applying the Rayleigh probability formula, it is possible to estimate
the number of events (NN) required to achieve a pre-defined significance. As shown in
Table 86 million events are required to achieve 3o significance and around 210 million
for 5o significance. Currently, our dataset consists of about 55 million events, meaning
we are still falling short of the required numbers. However, this situation is expected to

improve over time with the increase in statistics.

4 1InP
2012
where P is Rayleigh probability. Assuming an amplitude of 107 and a mean hour angle
0t = 2 h, we calculated N for 30 and 5o statistical significance .

N=-— (6.8)

The statistical significance of the observed signal is low, well below the standard threshold
(typically 30) to claim detection. Consequently the upper limits (UL) of the amplitudes
at a 99% confidence level (CL) were computed. These limits are derived from based on the
distribution drawn from the distribution of a population characterized by an anisotropy

with unknown amplitude and phase [1]:

2 1 ruL ds TS s +1r?/2
\/; Iy(r?/40?) /0 o & <02> P <_ 202 > =CL (6.9)
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FEiraae  Amplitude No. of events Phase Rayleigh Statistical UL

(GeV)  (x107%) (x 109) (°) probability significance (x 107?)

>102 1.0+04 55.62 —15+25 6.8% 1.830 1.9
(1.3+£0.1) (—48 + 3)

> 103 1.0x£0.5 39.44 —40 £ 26 8.4% 1.730 2.0
(1.5+0.1) (—62 + 4)

> 10"  0.8+0.9 9.69 —14+63 66.5% 0.430 2.7
(0.9+0.1) (—31+£8)

Table 6.5: Characteristics of the first harmonic in sidereal time obtained for a time bin
width of 20 min in the three energy ranges. The values in parentheses represent the direct

fitting of the reconstructed true intensity in relative value. The last column gives the 99%
CL UL for the amplitudes.

Significance P N
30 2.70 x 1073 86x 108
50 5.74 x 1077 210x10°

Table 6.6: Number of events required to achieve 30 and 50 statistical significance using
the Rayleigh probability.

where [ represents the modified Bessel function of the first kind with order 0. The results
obtained are shown in the last column of Table

In addition, we derived the amplitudes and phases of the first harmonic from directly
fitting the reconstructed true intensity in relative value. As shown in Table [6.5] the

results from both methods are statistically compatible within their uncertainties.

The true muon intensity I detected by ARCA21 can be obtained by integrating equa-

tion : .
1) = (D+= /0 D(t) dt (6.10)

where (I) denotes the average value of observed intensity. This equation can then be

solved numerically with the use of the following relation:

I(ty) =~ (1) + ?f nz D(t) (6.11)

=1

At represents the time bin width (= 20 min) and ¢, denotes the center of time bin k. ny

takes the values from 1 to 72 (corresponding to 72 time bins).
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Fig. 6.7: Sidereal time variation of the reconstructed relative true intensity obtained
using the East-West method with a time bin width of 20 min for the three energy ranges

[2]-

Fig. illustrates the variation in sidereal time of the relative reconstructed true intensity
obtained using the East-West method. The dashed curve represents the dipole obtained
with the Fourier coefficients; the blue curve is the direct fit to the results. As shown,
we can observe a clear sidereal modulation with peaks occurring at about 21-23 h. This
pattern suggests the presence of a dipolar galactic anisotropy in the distribution of cosmic-

ray arrival directions observed with ARCA21. To better evaluate the accuracy of these

10 12 14 16 18 20 22 24
Sidereal Time (h)

results, it is important to examine the systematic effects.
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6.5 Systematic effects

To demonstrate that there are no significant unaccounted systematics effects, we analyzed
the first harmonic in solar and anti-sidereal time frames. In each case, we followed the
same procedure as we did for the sidereal time frame, using the East-West method along

with the azimuthal correction.

To calculate the local solar time (ST') of the selected events, we first converted Unix time
to Julian date (JD) using equation ([6.4). Next, we extracted the fraction of the day since
local midnight:

day fraction = JD (mod 1) (6.12)

and converted it to degrees:
ST (°) = day_ fraction x 360 (6.13)

Then, we adjusted to ARCA longitude A to get the local solar time (STjoca1) and corrected
for Earth orbit and axis tilt by applying the equation of time (EoT) [3]:

STiocat = ST+ A+ EoT  (mod 360) (6.14)

It bears noting that these calculations give pure-solar time that does not include time

zone corrections.

Anti-sidereal time is a timekeeping system defined as the mirror opposite of sidereal time
in relation to solar time [4]. It is based on a day length of 24.07 h, instead of the standard
23.93 h sidereal day. Thus, a sidereal year is about 365.25 days, and an anti-sidereal year
is about 364.25 days. Unlike sidereal anisotropy, anti-sidereal variations are not expected

in primary cosmic rays and often result from systematic effects in data processing.

To calculate the local anti-sidereal time of the selected events, we first converted Unix
time to Julian date (JD) using equation . Next, we calculated the number of days
since J2000.0:

days_since_j2000 = JD — 2451545 (6.15)

Then, we computed anti-sidereal time (AST') in degrees:

364.25
365.25

AST = days_since_j2000 x x 360 (mod 360) (6.16)

125



Amplitude Phase Rayleigh Eirack

(x1073) (°) probability — (GeV)
Sidereal time 1.0+04 —-15+25 6.8% (1.80)
Solar time 09+04 —104+27 10.2% (1.60) > 102
Anti-sidereal time 0.7+04 44+34  23.7% (1.20)
Sidereal time 1.0+05 —40+26 8.4% (1.70)
Solar time 0.6+05 —117+44 422% (0.80) > 10°
Anti-sidereal time 0.6 +0.5 35+42  39.2% (0.90)
Sidereal time 0.8+0.9 —14+63 66.5% (0.40)
Solar time 1.3+£09 171£40 36.0% (0.90) > 10%
Anti-sidereal time 1.3£0.9 —8+40 36.3% (0.90)

Table 6.7: Amplitude, phase, and Rayleigh probability of the first harmonic in sidereal,
solar, and anti-sidereal time for the three energy ranges.

Then, we adjusted to ARCA longitude A to get the local anti-sidereal time (LAST):
LAST = AST + A (mod 360) (6.17)

Table [6.7] gives the amplitude, phase, and Rayleigh probability of the first harmonic in
sidereal, solar, and anti-sidereal time for the three energy ranges. For the first energy range
(Eirack > 102 GeV), the dipole amplitudes and the Rayleigh probabilities are comparable
in both sidereal and solar times. We conclude that the observed cosmic-ray anisotropy
in this energy range can be either local or of galactic origin. In the third energy range
(Eiaac > 10 GeV), the dipole amplitudes are similar in all three time frames, but the
Rayleigh probability is highest in sidereal time. This suggests that the observed anisotropy
is either local or influenced by systematic effects, making the galactic origin the least likely
explanation. The second energy range (FEi.a > 10° GeV) is the most interesting case.
In this range, the dipole amplitude is at its highest, while the Rayleigh probability is
at its lowest in sidereal time, indicating a potential genuine signal. In contrast, the
solar and anti-sidereal modulations show higher Rayleigh probabilities, corroborating the
argument that the sidereal anisotropy is most likely of galactic origin rather than being
a local effects or an artefact of the detector. Although the statistical significance of this
observation is currently small (about 20), it is expected to improve in the coming years

as ARCA expands and the statistical data increase.

Fig. presents the variation in solar time and anti-sidereal time of the relative recon-
structed true intensity obtained using the East-West method with a time bin width of
20 min for the three energy ranges. The dashed line represents the dipole calculated by

means of the Fourier coefficients.
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Fig. 6.8: Solar time and anti-sidereal time variation of the reconstructed relative true
intensity obtained using the East-West method with a time bin width of 20 min for the
three energy ranges.

6.6 Data/Simulation comparison

In order to further validate the presence of a large-scale anisotropy in the arrival direction
distribution of cosmic rays, we have compared the observed data with the reconstructed
events from Monte Carlo simulations. Of interest in this case are the events whose re-
constructed track energies exceed 1 TeV, for which the signature of anisotropy will be
better observed and statistically significant. Most notably, the comparison is within the
three various time intervals: sidereal time; solar time and anti-sidereal time. As seen in
table [6.7], the sidereal time analysis of the data indicates a statistically significant and

clear deviation from isotropy. The first harmonic amplitude in this reference frame is
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determined to be (1.0 +0.5) x 1073, with phase —40° & 26°, and corresponding Rayleigh
probability of 8.4% which indicates a local significance of 1.70. This result suggests the
presence of a dipolar modulation in the arrival directions of cosmic rays, and statistically
distinguishable from a uniform distribution. By contrast, the amplitudes obtained from
solar and anti-sidereal time are much smaller each (0.6 + 0.5) x 107® and with Rayleigh
probabilities of 42.2% and 39.2%, respectively. They are consistent with statistical fluc-
tuations due to an underlying isotropic flux, i.e., the modulation observed in sidereal
time is not present in time scales that could be subject to atmospheric or diurnal effects.
The provided Monte Carlo simulations (table , which were constructed run by run to
mimic the actual detector conditions and time-dependent performance, show no evidence
of anisotropy in any of the time frames examined. In sidereal time, the first harmonic
amplitude extracted from the simulated events is only (0.3 £ 0.4) x 1072 with a Rayleigh
probability of 73.7%, clearly within the range expected from isotropic random fluctua-
tions. We observe comparable behavior in solar and anti-sidereal time, with amplitudes of
(0.240.4) x 1073 and (0.140.4) x 1073 and probabilities greater than 86%. The variation
with sidereak time in this case is shown in Figure [6.9 The result is of utmost impor-
tance it demonstrates that the full analysis chain from reconstruction to event selection
and exposure modeling does not artificially mimic anisotropic patterns. This provides a
robust null hypothesis baseline with which the data can be confidently compared. Addi-
tionally, the Tables present a comparison of the first harmonic amplitude, phase, and
Rayleigh probability for both data and Monte Carlo events with Ey.q > 0.1TeV and

Eiracr. > 10T eV, respectively, evaluated in sidereal, solar, and anti-sidereal frames.

Taken together, the clear identification of a dipolar modulation in the sidereal frame in
real data and the fact that such effects do not occur within Monte Carlo runs and within
solar or anti-sidereal frames strongly supports the hypothesis that the anisotropy observed
is of astrophysical origin. The sidereal modulation, in particular, aligns with expectations
for a cosmic-ray dipole arising from either large-scale Galactic magnetic field structures
or propagation effects in the interstellar medium. The fact that no such modulation is
observed in solar or anti-sidereal coordinates further indicates that instrumental effects,
detector instabilities, or atmospheric modulations are unlikely to be responsible. The
high compatibility of the simulation with isotropy across all frames serves as a stringent

test of systematics and reinforces the robustness of our analysis framework.
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Amplitude Phase Rayleigh

FEirack > 0.1 TeV (x1073) (°) probability

Sidereal time 1.0+£04 —15+£25 6.8% (1.80)

Solar time 09+04 —1044+27 10.2% (1.60) Data
Anti-sidereal time 0.7+04 44 + 34 23.7% (1.20)

Sidereal time 0.1+£04 236173 94.67% (0.070)

Solar time 0.7+04 94 +32  19.86% (1.290) Monte Carlo

Anti-sidereal time 0.39+04 48458  61.71%(0.500)

Amplitude Phase Rayleigh
Eiack > 1 TeV (x1073) (°) probability
Sidereal time 1.0+£05 —40+26 8.4% (1.70)
Solar time 0.6+05 —117+44 42.2% (0.80) Data
Anti-sidereal time 0.6 +0.5 35+42  39.2% (0.90)
Sidereal time 03+04 —49+73 73.7% (0.30)
Solar time 02+£04 51+108 86.9% (0.20) Monte Carlo
Anti-sidereal time 0.1+04 84+142 92.2% (0.10)

Amplitude Phase Rayleigh
Eiack > 10 TeV (x1073) (°) probability
Sidereal time 0.8+=0.9 —14 4+ 63 66.5% (0.40)
Solar time 1.3+£09 1714+£40  36.0% (0.90) Data
Anti-sidereal time 1.3+£0.9 —8 440 36.3% (0.90)
Sidereal time 03+0.7 —16+116 88.61% (0.140)
Solar time 0.54+0.7 50+ 70  71.89% (0.360) Monte Carlo

Anti-sidereal time 04+0.7 268499 84.70%(0.190)

Table 6.8: Comparison of the first harmonic amplitude, phase, and Rayleigh probability
for data and Monte Carlo events with Ei . > 0.1 TeV, Eiaac > 1 TeV and Eipaq > 10 TeV
respectively evaluated in sidereal, solar, and anti-sidereal time.
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Fig. 6.9: Monte Carlo sidereal time variation of the reconstructed relative true intensity
obtained using the East-West method with a time bin width of 20 min for the three energy

ranges using.
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Fig. 6.10: Monte Carlo solar time and anti-sidereal time variation of the reconstructed
relative true intensity obtained using the East-West method with a time bin width of
20 min for the three energy ranges.
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6.7 Comparison with other experiments

Different experiments often report the amplitude and phase of the first-harmonic of
cosmic-ray anisotropy as a function of the primary cosmic-ray median energy. To esti-
mate the primary median energies for our three energy ranges without relying to extensive
Monte Carlo simulations, we used the approximation relation that a muon energy at sea
level (Eg) is about 5 to 10% of the energy of it primary particle. This estimate is valid for
primaries up to PeV energies. We determined the muon energy at sea level by adding the
reconstructed track energy to the energy lost during the propagation to ARCA, estimated
at roughly 1 TeV. This value accounts for highly inclined muon trajectories. From this,

we estimated the two corresponding primary energies Ej:

EO
_ 2 _ _
=10E, Ey”’ = ﬁ =20L, (6.18)
Next, we calculated the primary median energy (FE,,) by taking into account the cosmic ray
differential energy spectrum, which decreases with energy following a power law (< E~7)

with a spectral index v = 2.7 in the TeV-PeV energy region:

B (Eﬂn‘az + By

T—
5 ) ~15Ey  (Emax > Ep) (6.19)

There are two values of the primary median energy for each track threshold energy. We
then calculated the average value and defined the uncertainty as half the interval between
the two values:

EMD + E@) E® _ @)

AE, = —m —~m (6.20)

o
2 2

The resulting values (in TeV) of the median energy for our three energy intervals are:

25£8 45+ 15 248 + 83

Fig. compares the results of this work (indicated by the red circle) with those from
other experiments. The plot presents the amplitude and phase of the first harmonic
as a function of primary median energy. Fig. shows the most significant of our
results, which corresponds to the median energy of 45 TeV. As can be seen, the upper
limit of the dipole anisotropy observed by ARCA21 is consistent with measurements from
other experiments. It should be noted that in the present estimate, uncertainties in the
reconstructed muon track energy have not been taken into account. These arise from

the finite resolution of the track reconstruction algorithms, variation in detector response
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Fig. 6.11: Comparison of the amplitude and phase of the first harmonic obtained
with ARCA21 in the TeV-PeV energy range to experimental data from IceCube [5],
LHAASO [6], HAWC [7], ARGO-YBJ [§], Baksan [9], EAS-TOP [10], Milagro [11], Super-
Kamiokande [12], and MACRO .

(PMT efficiencies and optical background), uncertainties in the optical properties of water,
which affect the propagation of Cherenkov light. This will be addressed in future works

to improve the estimation of primary median energies and their associated uncertainties.
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Fig. 6.12: Amplitude upper limit of the most significant energy range [2].
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Conclusion

In this thesis, we started by studying the properties of atmospheric muons at sea level,
where we measured their flux and charge ratio. These measurements are fundamental
importance as they provide insights into the interaction of primary cosmic rays with
the atmosphere. Since muons are the most abundant charged particles reaching under-
ground /underwater detectors, their flux and charge ratio encode valuable information
about the energy spectrum and mass composition of the primaries that initiated them.
In addition, these results serve as an essential reference point for interpreting signals ob-
served in deep underwater detectors like ARCA as the muons detected in ARCA originate
from the same atmospheric interactions. By understanding their behaviour at sea level,
we gain a complementary perspective that strengthens our interpretation of muon back-
ground recorded in ARCA and this is valuable for cosmic-ray anisotropy studies where
even small systematic effects in the muon flux can mimic or obscure real astrophysical

signals.

The second part of the thesis was dedicated to cosmic ray anisotropy. We were able to
extract for the first time a large-scale dipole anisotropy with KM3NeT using data frol
21 detection units ARCA21. This is a milestone result. Even though the dataset was
still limited, the analysis shows that anisotropy measurements are still feasible using an
underwater detector.

At the present stage, the analysis can be further improved in several directions. The
limited statistics of the ARCA21 dataset constrain the robustness of the harmonic anal-
ysis. Moreover, subtle detector asymmetries and the sudden variation in the number of
working PMTs require careful treatment to prevent artificial signals from contaminating
the measurement. With increasing statistics and further investigations on these effects,
future analysis will be able to refine the measurement, reduce systematic uncertainties
and provide more precise estimate of the amplitude and phase of the dipole anisotropy.
Looking ahead, the prospects are highly promising. As ARCA continues to expand, the
number of detection units will steadily increase and with it the statistical power. Larger
statistics will not only will not only enhance the significance of the large-scale dipole

measurement, but will also open the door to the exploration of smaller angular scale fea-
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tures providing complementary information to other cosmic-ray experiments. ARCA will
become a powerful tool for probing the anisotropy in the arrival direction of high energy
cosmic-rays. In parallel, KM3NeT/ARCA continues to fulfil its mission as a world leading
neutrino observatory, already highlighted by the detection of the most energetic neutrino

ever observed.
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